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ABSTRACT
The origin of the diffuse hard X-ray (2 - 10 keV) emission from starburst galaxies is a long-standing problem.
We suggest that synchrotron emission of 10 - 100 TeV electrons and positrons (e±) can contribute to this
emission, because starbursts have strong magnetic fields. We consider three sources of e± at these energies:
(1) primary electrons directly accelerated by supernova remnants; (2) pionic secondary e± created by inelastic
collisions between CR protons and gas nuclei in the dense ISMs of starbursts; (3) pair e± produced between the
interactions between 10 - 100 TeV γ-rays and the intense far-infrared (FIR) radiation fields of starbursts. We
create one-zone steady-state models of the CR population in the Galactic Center (R≤ 112 pc), NGC 253, M82,
and Arp 220’s nuclei, assuming a power law injection spectrum for electrons and protons. We consider different
injection spectral slopes, magnetic field strengths, CR acceleration efficiencies, and diffusive escape times, and
include advective escape, radiative cooling processes, and secondary and pair e±. We compare these models to
extant radio and GeV and TeV γ-ray data for these starbursts, and calculate the diffuse synchrotron X-ray and
Inverse Compton (IC) luminosities of these starbursts in the models which satisfy multiwavelength constraints.
If the primary electron spectrum extends to ∼ PeV energies and has a proton/electron injection ratio similar
to the Galactic value, we find that synchrotron contributes 2 − 20% of their unresolved, diffuse hard X-ray
emission. However, there is great uncertainty in this conclusion because of the limited information on the CR
electron spectrum at these high energies. Inverse Compton emission is likewise a minority of the unresolved
X-ray emission in these starbursts, from 0.1% in the Galactic Center to 10% in Arp 220’s nuclei, with the main
uncertainty being the starbursts’ magnetic field. We also model generic starbursts, including submillimeter
galaxies, in the context of the FIR–X-ray relation, finding that anywhere between 0 and 16% of the total hard
X-ray emission is synchrotron for different parameters, and up to 2% in the densest starbursts assuming a E−2.2
injection spectrum and a diffusive escape time of 10 Myr (E/3 GeV)−1/2(h/100 pc). Neutrino observations
by IceCube and TeV γ-ray data from HESS, VERITAS, and CTA can further constrain the synchrotron X-ray
emission of starbursts. Our models do not constrain the possibility of hard, second components of primary e±
from sources like pulsars in starbursts, which could enhance the synchrotron X-ray emission further.
Subject headings: cosmic rays – galaxies: starburst – X-rays: galaxies – gamma rays: galaxies – radio contin-
uum: galaxies – radiation mechanisms: nonthermal
1. INTRODUCTION
Starburst galaxies are intense generators of cosmic rays
(CRs), which are accelerated by supernova remnants or
other star-formation processes. CR protons in starbursts
can produce γ-rays, neutrinos, and secondary electrons and
positrons. Whatever their origin, CR electrons and positrons
can produce emission across the electromagnetic spectrum:
bremsstrahlung losses produce γ-rays; Inverse Compton scat-
tering of ambient photons produces a broadband spectrum ex-
tending into γ-rays; synchrotron emission is responsible for
the non-thermal GHz radio emission.
Starburst galaxies are observed to be luminous in hard X-
rays (here defined as ∼ 2 − 10 keV) as well. The total hard
X-ray emission from star-formation typically has a luminos-
ity that is 10−4 times that of the bolometric luminosity of the
starburst, and is sometimes used as a star-formation indica-
tor (Franceschini et al. 2003; Ranalli et al. 2003; Grimm et al.
2003; Persic et al. 2004). Most of these X-rays are from point
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sources, but diffuse emission also is apparent. The diffuse
hard X-ray emission is best studied in the nearby starburst
M82 (Strickland & Heckman 2007), but a similar diffuse hard
component is observed in NGC 253 (Strickland et al. 2000;
Weaver et al. 2002). The diffuse hard X-ray emission bears
some superficial resemblance to the Galactic Ridge emission
of the Milky Way (Strickland & Heckman 2007), although
that has recently been resolved into stellar sources by Chan-
dra (Revnivtsev et al. 2009). At the other extreme, unre-
solved hard X-ray emission is also observed in brighter star-
bursts including the Luminous Infrared Galaxy (LIRG) NGC
3256 (Moran et al. 1999; Lira et al. 2002) and the prototyp-
ical Ultraluminous Infrared Galaxy (ULIRG) Arp 220 (e.g.,
Clements et al. 2002; McDowell et al. 2003). Especially in
these more distant galaxies, it is unclear whether these com-
ponents are truly diffuse or simply unresolved sources (e.g.,
Lira et al. 2002).
The diffuse hard X-ray emission typically has a power-
law continuum spectrum, with the possible addition of
softer thermal emission components and spectral lines
(Persic & Rephaeli 2002; Strickland & Heckman 2007;
Lehmer et al. 2010). Thermal emission from hot plasma
is one possible source of the hard X-rays: hot gas is
predicted by superwind theories (e.g., Chevalier & Clegg
1985; Strickland & Heckman 2009), and thermal emission
2is clearly detected in soft X-rays (e.g., Ptak et al. 1997;
Dahlem et al. 1998; Strickland & Stevens 2000), although
Strickland & Stevens (2000) argue that the soft X-rays come
from a cooler phase of gas than the bulk of the superwind
(see also the discussion in Strickland & Heckman 2009).
The detection of 6.7 keV iron K lines implies the existence
of hot plasma that could be a source of the hard X-rays
(Persic et al. 1998; Cappi et al. 1999; Iwasawa et al. 2005,
2009), although it is not clear that such emission could
explain all of the hard continuum (Strickland & Heckman
2007). The hard X-ray emission is often attributed to
unresolved X-ray binaries, particularly high-mass X-ray
binaries (HMXBs) (e.g., Fabbiano et al. 1982; Fabbiano
1989; Griffiths & Padovani 1990; David et al. 1992;
Persic & Rephaeli 2002; Grimm et al. 2003; Persic et al.
2004). HMXBs in the Milky Way and Magellanic
Clouds have a power law continuum (photon spectra of
dN/dE ∝ E−Γ) with a spectral slope of Γ≈ 1.2 (White et al.
1983). Many starburst galaxies have total hard X-ray emis-
sion with Γ≈ 1 − 1.5 (e.g., Rephaeli et al. 1991, 1995), which
makes HMXBs an attractive candidate for the source of
most of the hard X-ray emission. However, in M82, diffuse
hard X-ray emission remains even after subtracting point
sources and extrapolating the luminosity function to faint
luminosities, and the diffuse emission is softer (Γ2−8 ≈ 2 − 3)
than expected from HMXBs (Strickland & Heckman 2007),
unless the HMXB spectrum cuts off at energies . 10 keV.
Another possible explanation for this X-ray emission is In-
verse Compton emission (Hargrave 1974; Schaaf et al. 1989;
Moran & Lehnert 1997; Moran et al. 1999; Persic & Rephaeli
2003). CR electrons and positrons (e±) are known to be
present in starbursts from their synchrotron radio emission,
and the intense infrared emission of starbursts provides many
target photons to be upscattered to higher energies. The IC
spectrum is expected to extend down to the X-rays and even
lower energies. However, recent estimates generally sug-
gest that IC emission is too weak by a factor of & 10 in
M82 and NGC 253 to explain the hard X-ray emission (e.g.,
Weaver et al. 2002; Strickland & Heckman 2007). As with
HMXBs, the spectral slope of the diffuse X-ray emission in
some starbursts may be difficult to explain with IC. The CR
e± spectrum around ∼ 100 MeV and the resultant IC spec-
trum at keV energies is expected to be hard (Γ ≈ 1.0 − 1.5),
whereas the diffuse X-ray emission is often softer, as is the
case for M82 (Strickland & Heckman 2007).
Here, we consider an alternative source of hard X-rays:
synchrotron emission from CR e± with energies above a TeV.
Synchrotron has previously been considered as a source of
Galactic diffuse X-ray emission (Protheroe & Wolfendale
1980; Porter & Protheroe 1997), but explaining the diffuse
X-ray emission from the Galaxy requires CR electrons of
extreme energies (∼ 100 TeV), and stronger magnetic fields
(B & 20 µG) than in the diffuse ISM to avoid conflict with
constraints on Inverse Compton emission from CASA-MIA
(Aharonian & Atoyan 2000; Bi et al. 2009). Starbursts
are expected not only to have large CR populations but
also stronger magnetic fields than the Milky Way. The
conclusion of strong magnetic fields in starbursts is sup-
ported by a number of lines of evidence: (1) minimum
energy estimates applied to radio detections of starbursts
imply B ≈ 50 − 150 µG (e.g., Völk et al. 1989; Beck 2005;
Thompson et al. 2006; Persic & Rephaeli 2010; Beck 2011);
(2) detailed modeling of CR populations in starbursts with
fitting of the radio and now γ-ray spectra imply B≈ 100 µG
in the Galactic Center (Crocker et al. 2011b), B ≈ 200 µG
in the nearby starbursts M82 and NGC 253 (Paglione et al.
1996; Domingo-Santamaría & Torres 2005; Persic et al.
2008; de Cea del Pozo et al. 2009a; Rephaeli et al. 2009;
de Cea del Pozo et al. 2009b), and B & 1 mG in the ULIRG
Arp 220 (Torres 2004); (3) considerations of the linear
FIR-radio correlation that applies to quiescent star-forming
galaxies and starbursts, and the strong Inverse Compton,
bremsstrahlung, and ionization losses expected for CR
electrons in these galaxies (e.g., Völk 1989; Condon et al.
1991; Thompson et al. 2006; Murphy 2009; Lacki et al.
2010); (4) measurements of Zeeman splitting in ULIRGs,
although these apply to the denser regions of the starbursts
(Robishaw et al. 2008); (5) constraints on leptonic γ-ray
emission from the Galactic Center, limiting the number of
CR e± (Crocker et al. 2010a).
Strong magnetic fields imply not only more synchrotron
power per particle, but that lower energy CR electrons can
produce synchrotron X-rays. The synchrotron emission of a
CR e± peaks near νC = 3γ2eBsinα/(4πmec) for an electron
with Lorentz factor γ with a pitch angle α with respect to a
magnetic field of strength B (Rybicki & Lightman 1979). For
an isotropic distribution of electrons, 〈sinα〉 = π/4, and this
translates to a synchrotron emission energy of Ec = hνC:
EC ≈ 1.0E210TeVB200keV, (1)
where E10TeV = Ee/(10 TeV) and B200 = B/(200 µG) is the
magnetic field strength in the starburst. We see that CR e± of
energy in the range 10 − 30 TeV will emit X-ray synchrotron
emission in the 1 - 10 keV range.
In this paper, we show that under the most optimistic as-
sumptions, the synchrotron emission can explain the diffuse
hard X-ray emission of starbursts, especially Arp 220. The
synchrotron spectrum (νLν) rises at 1 GHz frequency and
peaks near 10 - 100 GHz, but remains constant (or slowly
falling) all the way to X-ray frequencies. There are three main
reasons for this. (1) The synchrotron losses of GHz-emitting
e± in starbursts are ∼ 1/5 − 1/20 of the total losses including
bremsstrahlung, ionization, and IC (Thompson et al. 2006;
Murphy 2009; Lacki et al. 2010, 2011). Thus little of the en-
ergy in these CR e± is transformed into synchrotron emis-
sion. However, while ionization and bremsstrahlung losses in-
crease slowly with CR e± energy, synchrotron (and IC) losses
become faster increasing with CR e± energy. Therefore,
bremsstrahlung and ionization become completely unimpor-
tant at 10 TeV (see the loss time scales in § 2.1.1). (2) Further-
more, IC cooling will be suppressed at energies above 10 TeV.
Most of the starlight generated by starbursts is efficiently ab-
sorbed by dust and re-emitted in the IR (c.f. Völk 1989), and
the majority of this IR is blackbody emission from∼ 40−50 K
dust grains. For FIR photons of energy ǫIR and wavelength
λ ≈ 100 µm, 20 TeV is near the characteristic energy scale
for Klein-Nishina suppression of IC cooling:
EKN ≈ m
2
ec
4
ǫIR
≈ 21 TeV(λ/100 µm). (2)
(3) A more subtle but important effect of the∼ 20 TeV Klein-
Nishina cutoff is that the threshold for pair production for γ-
rays on the FIR emission is near this energy. Thus the in-
tense IR emission of starbursts converts the γ-ray emission
at 10 - 100 TeV energies into 10 - 100 TeV e±. Since the
power injected in pionic γ-rays is greater than the power in
pionic secondary e±, these tertiary pair e± can dominate the
CR spectrum at 10 - 100 TeV if the pair production optical
3depth is greater than unity (γγ attenuation and pair production
at 10 - 100 TeV is expected to be small in galaxies like the
Milky Way, see Mastichiadis et al. 1991; Moskalenko et al.
2006; Stawarz et al. 2010), providing an additional popula-
tion that can radiate X-ray synchrotron.
We begin in § 2 by presenting order of magnitude estimates
showing that synchrotron may be important. Then, in later
sections we construct one-zone models to evaluate these ef-
fects using standard assumptions for CR modelling and in the
context of extant multiwavelength data. In § 3, we describe
our one-zone models of the CR spectra, including the pair
produced e±. In § 4, we present the results of these mod-
els for the Galactic Center, NGC 253, M82, and the nuclear
starbursts of Arp 220. We discuss some broader implications
in § 5, including the synchrotron contribution to X-rays from
submillimeter galaxies (§ 5.1) and further constraints on syn-
chrotron X-rays from future neutrino and TeV experiments
(§ 5.2). Finally, we conclude by discussing future work that
can be done in § 6.
2. MOTIVATION
2.1. Relevant Cooling Processes
2.1.1. e± losses
Starbursts contain dense gas and strong radiation fields,
which can cool CR e± through bremsstrahlung, ionization,
and IC emission. These cooling processes have associated en-
ergy loss rates for individual CR e± bbrems, bion, bIC, respec-
tively, which can be comparable to the synchrotron energy
loss rate bsynch. In addition, CR e± can escape by advection
or diffusion. These processes compete with synchrotron emis-
sion in the magnetic fields of starbursts for the kinetic energy
of a CR e±.
The synchrotron cooling time of CR e± is E/bsynch(E) ≈
6πm2c4/(cσT B2E) (Rybicki & Lightman 1979), or
tsynch(E)≈ 31 yr
(
E
10 TeV
)
−1( B
200 µG
)
−2
. (3)
For energies greater than 1 TeV, and magnetic fields of at
least 200 µG, this is about the light crossing time for 100 pc,
roughly the scale height for a nuclear starburst. Therefore, at
these energies, e± are in the “calorimeter” limit, in which the
CR e± cool before escaping (c.f., Völk 1989).
For a gas density n, the ionization cooling time of CR e± is
E/bion(E), or
tion(E)≈ 1.9× 109 yr
(
E
10 TeV
)( n
250 cm−3
)
−1
, (4)
from e.g., Schlickeiser (2002), where we set the lnγ term to
its value at 10 TeV. The bremsstrahlung cooling time is
tbrems(E)≈ 1.2× 105 yr
( n
250 cm−3
)
−1
, (5)
at high energies (assuming nHe ≈ 0.1nH ; see
Strong & Moskalenko 1998). Synchrotron losses
therefore dominate bremsstrahlung losses as long as
B & 10 µG (E/TeV)−1/2(n/250 cm−3)1/2, and syn-
chrotron losses dominates ionization losses so long
as B & 0.2 µG (E/TeV)−1(n/250 cm−3)1/2. However,
bremsstrahlung and ionization can dominate at the ∼ GeV
energies where e± are responsible for GHz emission
(Thompson et al. 2006; Murphy 2009; Lacki et al. 2010).
The Inverse Compton cooling time is more complex be-
cause Klein-Nishina effects appear at the relevant ∼ 10 −
100 TeV energies in the FIR-dominated radiation fields of
starbursts. Schlickeiser & Ruppel (2010) show that the IC
loss time in a greybody radiation field with temperature T and
radiation energy density Urad can be approximated as
tIC ≈ 3mec
2
4cσTUrad
γ2K +γ
2
γγ2K
, (6)
where γK ≈ 0.27mec2/(kBT ) = 4.0× 107(T/40 K)−1. Thus,
above∼ 20 (T/40 K)−1 TeV, Klein-Nishina effects will cause
the IC energy loss time to grow as γ, while the synchrotron
loss time continues to fall as γ−1. If UB < Urad, then syn-
chrotron dominates IC when γ ≥ γK
√
Urad/UB − 1, or:
E & 20 TeV
(
T
40 K
)
−1(Urad −UB
UB
)1/2
. (7)
The nearby, prototypical starbursts in M82 and NGC 253
have total infrared luminosities of ∼ 1010.5 L⊙ (Melo et al.
2002; Sanders et al. 2003) and radii of ∼ 200 pc (e.g.,
Turner & Ho 1983; Goetz et al. 1990; Ulvestad & Antonucci
1997; Williams & Bower 2010). Plugging in these specific
values for a disk geometry, the radiation field has an energy
density of approximately U ≈ L/(2πR2c), or
Urad ≈ 1100 eV cm−3
(
L
1010.5L⊙
)(
R
200 pc
)
−2
. (8)
This gives us an IC loss time of
tThomsonIC ≈ 300 yr
(
L
1010.5L⊙
)
−1( R
200 pc
)2( E
TeV
)
−1
(9)
in the Thomson regime, and
tKNIC ≈ 71 yr
(
L
1010.5L⊙
)
−1( R
200 pc
)2( T
40 K
)2( E
100 TeV
)
(10)
in the extreme Klein-Nishina limit. For the specific values
we have been using – L = 1010.5L⊙, R = 200 pc, T = 40 K –
equation 7 shows that synchrotron dominates over IC above
∼ 5 TeV when B = 200 µG and ∼ 35 TeV when B = 100 µG.
Therefore unless the magnetic field energy density is much
lower than the radiation field energy density, synchrotron
losses will be the dominant loss process at a few tens of TeV.
2.1.2. Proton losses
CR protons can modify the e± population by creating pio-
nic secondary electrons and positrons through collisions with
interstellar gas atoms. The time for CR protons to lose all of
their energy through this process is given as
tpion = 2× 105 yr
( n
250 cm−3
)
−1
(11)
by Mannheim & Schlickeiser (1994). Different sources in the
literature give different pionic loss times that can be larger by
a factor ∼ 2 − 3; however, these decrease slightly with proton
energy as the pionic cross section increases (see the discussion
in Appendix A), so that at TeV energies the pionic loss time
is closer to equation 11.
Since protons have much longer cooling times than TeV
CR e±, it is not as obvious whether they can escape. Advec-
tion is clearly present in starbursts in the form of the observed
large-scale winds (e.g., Heckman et al. 2000; Heckman 2003;
4Heesen et al. 2011). The wind crossing time for a starburst of
scale height h is h/v, or:
twind = 3× 105 yr
(
h
100 pc
)( v
300 km s−1
)
−1
(12)
In starbursts such as M82 and NGC 253, the advective and
pionic lifetimes are expected to be roughly equal. The
nuclear starbursts of Arp 220, with 〈n〉 ≈ 104cm−3 (e.g.,
Downes & Solomon 1998), have very short pionic loss times
(∼ 5000 yr), indicating that they are “proton calorimeters”:
most of the power injected into CR protons with energies
above the pion-production threshold is lost through pionic in-
teractions.
However, a key uncertainty is whether CRs sample gas of
the average density. The γ-ray luminosity of the Galactic
Center region (R ≤ 112 pc) relative to its star-formation rate
indicates this is not the case for that region, as does the ra-
tio of synchrotron radio from CR e± to infrared emission
(Crocker et al. 2011a,b). Crocker et al. (2011b) explains these
observations as being caused by a powerful wind in the Galac-
tic Center region advecting CRs out of the disk before they
can enter the molecular clouds containing most of the gas.
Thus CRs experience gas of much lower density than aver-
age. While the Galactic Center is underluminous in γ-rays
and radio, this is not true for the starbursts M82 and NGC
253, which fall on the FIR-radio correlation and have a larger
γ-ray to star-formation ratio than the Milky Way, consistent
with CRs experiencing average gas densities in these star-
bursts (Lacki et al. 2011).
A final uncertainty is whether diffusive escape plays any
role. Diffusive escape in the Milky Way has an en-
ergy dependence tdiff ∝ E−0.3 − E−0.6 that steepens the CR
proton spectrum, since it is the dominant timescale (e.g.,
Ginzburg & Ptuskin 1976). In contrast, the relatively flat
GeV-TeV spectra of observed starburst regions (M82, NGC
253, and the Galactic Center) indicate that up to TeV ener-
gies, an energy-independent process must determine the life-
times of CR protons; however, at the still higher energies we
are considering, diffusion can dominate. We consider several
values of the diffusive escape time to address this uncertainty.
2.2. Primary Electrons
Primary electrons dominate the GHz-emitting electron
population in normal galaxies. However, they are gen-
erally expected to be sub-dominant in starbursts with re-
spect to pionic secondary e±, though still a significant mi-
nority (Rengarajan 2005; Thompson, Quataert, & Waxman
2007; Lacki et al. 2010). Detailed modelling of CR popu-
lations in starburst galaxies find that primary electrons are
subdominant at GeV energies in M82 (de Cea del Pozo et al.
2009a), NGC 253 (Domingo-Santamaría & Torres 2005;
Rephaeli et al. 2009), and Arp 220 (Torres 2004), although
models by Crocker et al. (2011b) find primary electrons dom-
inate in the Galactic Center. At higher energies, where the
protons experience stronger diffusive losses, these models in-
dicate higher primary fractions.
It is not known where the primary electron injection spec-
trum ends in starbursts. As the electrons are accelerated to
higher energies, they also experience more severe synchrotron
and Inverse Compton cooling. At some point, the cooling
losses balance the rate of acceleration, and there can be no
further acceleration of primary electrons. In the standard su-
pernova acceleration theory, equilibrium between cooling and
acceleration occurs when:
Ee ≈ 27 TeV v5000B−1/2SNR,200, (13)
where 5000v5000 km s−1 is the speed of the supernova shock
and 200BSNR,200 µG is the supernova remnant magnetic field
(Gaisser 1990). From equation 1, the end of the primary syn-
chrotron spectrum will then be at:
Esynchmax ≈ 7.3 keV v25000
(
B
BSNR
)
, (14)
if the magnetic field strength in the starburst B is similar to
the magnetic field strength in the supernova remnant. X-
ray observations of supernova remnants in the Milky Way
have revealed synchrotron emission from 10 - 100 TeV
electrons, confirming these energies are reached in super-
nova remnants (e.g., Koyama et al. 1995; Allen et al. 1997;
Reynolds & Keohane 1999; Reynolds 2008; Reynolds et al.
2008). Thus, SNRs might be able to accelerate primary elec-
trons to the energies where they will produce hard synchrotron
X-rays in the diffuse ISM of starburst galaxies.
However, it is not clear that SNRs are responsible for all
of the primary CR electrons; other objects such as superbub-
bles or pulsars may contribute (e.g., Butt 2009). Pulsar Wind
Nebulae (PWNe) powered by pulsar spindown after their birth
supernova in particular may inject a very hard component of
e± dominating at TeV energies, possibly extending to 10 -
100 TeV (Yüksel et al. 2009; Bamba et al. 2010). Primary CR
e± from PWNe have been invoked to explain anomalies in
the CR electron spectrum observed at Earth. The birthrate of
pulsars is correlated with star-formation, and pulsars should
be present in large numbers in starbursts (c.f. Perna & Stella
2004; Mannheim et al. 2010). Their spin-down luminosities
could provide enough power to be comparable to the main
component of CRs (Lacki et al. 2011).
If a hard primary CR e± spectrum extends to 10 - 100
TeV energies or beyond, then the synchrotron X-ray lumi-
nosity may be very bright. Suppose that for every super-
nova, roughly EeCR = E481048 erg of CR electrons with energies
above 1 GeV are accelerated. This could occur if 0.1% of a su-
pernova remnant’s kinetic energy (1051 ergs) were converted
into primary CR electrons, which is about 1% of the total en-
ergy expected to go into CRs (Strong et al. 2010, the exact
ratio depends on the poorly constrained low energy CR e±
spectrum). If we restrict our attention to CRs with an energy
between 1 GeV and 1 PeV, then for an E−2 injection spectrum
extending between these energies E2dQ/dE = EeCR/ ln(106).
At very high energies, a fraction fsynch will go into syn-
chrotron, where fsynch = tlife/tsynch ≈ 1/(1 + tsynch/tIC):
fsynch ≈
[
1 + Urad/UB
1 + (γ/γK)2
]
−1
(15)
(eqs. 3 and 6), which we have argued to be near 1. Since the
characteristic synchrotron emission energy EC is proportional
to E2e , a power law electron spectrum spanning a large number
of dex in energy will give rise to a synchrotron spectrum span-
ning roughly twice as many dex in frequency. We finally have
νLν(keV)≈ (1/2) fsynchE2e dQe/dEe (Loeb & Waxman 2006),
or:
νLν (keV)≈ 1.1× 1039E48 fsynch
(
ΓSN
yr−1
)
ergs s−1, (16)
where ΓSN is the supernova rate. For example, M82 is
believed to have a supernova rate of roughly ∼ 0.1 yr−1
5(although with large uncertainties), suggesting that its syn-
chrotron X-ray luminosity from pionic e± may be 1 ×
1038ergs s−1, about 3% of the observed luminosity of
the diffuse X-ray emission (L (2 − 8 keV) = (4.4± 0.2)×
1039 ergs s−1, or νLν ≈ 3.2× 1039 ergs s−1 per bin in ln en-
ergy; Strickland & Heckman 2007). Softer CR e± injection
spectra will have still lower synchrotron X-ray luminosities.
If SNRs or other discrete sources do accelerate ∼ 10 TeV
primary electrons, the synchrotron X-ray emission may not
be spread continuously throughout the starburst, but concen-
trated near the CR sources, because the synchrotron cooling
time for these electrons is so short (eq. 3). Even if such elec-
trons free-stream, they will not travel farther than ∼ 10 pc
from their sources. If there are a small number of CR e± ac-
celerators, then the synchrotron X-ray emission should come
from a few small diffuse regions, just as patchy “cells” of high
energy e± are predicted for the Milky Way (c.f., Shen 1970;
Aharonian et al. 1995; Atoyan et al. 1995). If starbursts, with
a high star-formation rate concentrated into a small volume,
instead contain many accelerators, the primary e± confine-
ment regions around these accelerators will overlap and the
X-ray emission will arise throughout the starburst. Unlike pi-
onic secondary e± or pair production e± from pionic γ-rays,
both of which depend on the CR proton spectrum, primary e±
at these energies are unaffected by the escape because cooling
is so quick.
2.3. Pionic Secondaries
CR protons can inelastically scatter off protons in the ISM
to produce pions, which decay into secondary e±, γ-rays, and
neutrinos. From the lifetime calculations given in § 2.1.2,
starbursts are expected to convert much more of their CR pro-
ton energy into pionic products than the Milky Way and ap-
proach the “proton calorimeter” limit (Loeb & Waxman 2006;
Thompson, Quataert, & Waxman 2007; Lacki et al. 2010).
From the HESS detection, Acero et al. (2009) claimed that
5% of the proton energy was converted into pionic prod-
ucts in NGC 253, although they assumed a hard γ-ray spec-
trum. From the Fermi, HESS, and VERITAS detections,
Lacki et al. (2011) inferred a proton calorimetry fraction of
about 1/3 for NGC 253 and M82 from the ratio of the ≥
GeV γ-ray and IR luminosities. The secondary e± are ex-
pected to dominate in starbursts at GeV energies based on
physical considerations (Rengarajan 2005; Loeb & Waxman
2006; Thompson, Quataert, & Waxman 2007; Lacki et al.
2010) and detailed models of M82, NGC 253, and
Arp 220 (Torres 2004; Domingo-Santamaría & Torres 2005;
de Cea del Pozo et al. 2009a; Rephaeli et al. 2009). Primaries
probably dominate in the Galactic Center due to a fast wind
advecting CR protons from the region before they can interact
with the molecular cloud gas (Crocker et al. 2011b).
In the Milky Way, primary CR protons (and nuclei) are ac-
celerated with a power law spectrum extending to energies
of at least ∼ PeV, the so-called “knee” in the CR spectrum.
Above these energies, the CR spectrum steepens: this may be
because Galactic CRs are not accelerated to higher energies
and we are seeing the transition to a different component of
CRs, or because Galactic CRs propagate differently above the
knee. Essentially nothing is known about the knee in star-
bursts, but presumably it is also at least at a PeV in energy.
If most of the energy injected into CR protons is lost
to pion production for CR protons of up to a PeV in en-
ergy, then the large population of secondary pionic 10 -
100 TeV e± produced by pion decay can emit bright hard
X-ray emission. Suppose that roughly ECR = 1050 erg of
CR protons are accelerated per supernova (that is, roughly
1/10 of the SN kinetic power goes into CRs; Strong et al.
2010). Once again suppose that we have E2dQ/dE =
ECR/ ln(106) for an E−2 injection spectrum for CR protons
with kinetic energies from 1 GeV to 1 PeV, ignoring CRs
of lower energy where the spectrum is uncertain. A frac-
tion Fcal(Ep) of that power is lost to pions for a CR pro-
ton energy Ep; of that, ∼ 1/6 will go into secondary e±
(e.g., Steigman & Strittmatter 1971; Loeb & Waxman 2006)6
and fsynch of the secondary e± power in turn goes into syn-
chrotron emission. From a similar argument as the pri-
maries, we finally have νLν (keV) = (1/2) fsynchE2e dQe/dEe =
(Fcal/12) fsynchE2pdQp/dEp (Loeb & Waxman 2006), or:
νLν (keV)≈ 1.9× 1040Fcal(100 TeV) fsynch
(
ΓSN
yr−1
)
ergs s−1,
(17)
where ΓSN is the supernova rate. For a supernova rate in
M82 of 0.1 yr−1, we get 2× 1039ergs s−1 for fsynch = Fcal = 1,
more than half the observed luminosity of the diffuse X-ray
emission (Strickland & Heckman 2007). In practice, energy-
dependent diffusive escape of the primary protons, advective
escape in the starburst superwind, and softer CR proton injec-
tion spectra will reduce the secondary e± luminosity.
In contrast with primary electrons, pionic e± will be gen-
erated throughout the starburst, instead of being concentrated
near the source of CR protons, because CR protons can travel
a longer distance during their lifetime. Therefore the syn-
chrotron X-ray emission secondary e± will not have as patchy
a structure as the primaries, but they will be generated wher-
ever there is gas being sampled by CRs.
2.4. Pair Production Tertiaries
Starburst galaxies are generally predicted to become
opaque to γ-rays above a few TeV, because γ-rays will pair
produce e± with the IR light in the starbursts (Torres 2004;
Domingo-Santamaría & Torres 2005; Inoue 2011). Thus, the
pionic γ-ray emission at 10 - 100 TeV will be efficiently con-
verted into 10 - 100 TeV e±. What is less appreciated is that
these e± will lose much of their energy to synchrotron cool-
ing, emitting mostly X-rays. Thus, if multi-TeV CR protons
in starbursts have efficient pionic losses, then up to half of the
CR proton energy at these energies will go into synchrotron
X-rays, with a similar fraction escaping as neutrinos.
The optical depth of a starburst to multi-TeV photons is
τγγ ≈ hnIRσγγ , where h is the height of the starburst disk, σγγ
is the cross section of pair-production, and nIR is the number
density of target IR photons. Near threshold (where Eγ ≈ EKN
from eq. 2), σγγ ≈ σT/4. The average energy of IR photons
in a greybody field is π4ζ(3)kT/30≈ 2.70kT , where ζ is the
Riemann zeta function. The number density of IR photons
for a starburst disk of radius R (and emitting area 2πR2) is
approximately nIR ≈ LIR/(2πR2c× 2.70kBT ), where T is the
typical temperature of the IR photon. We have
τγγ ≈ 5.8
(
LFIR
1010.5 L⊙
)(
h
100 pc
)(
R
200 pc
)
−2( T
40 K
)
−1
,
(18)
6 This is because the charged pions receive 2/3 of the energy, and each
charged pion ultimately decays into a positron or electron and three neutrinos
of roughly equal energy. Therefore, e± recieve 1/4× 2/3 = 1/6 of the pion
energy. Similarly, neutrinos receive 1/2 of the pion energy, and γ-rays recieve
the remaining 1/3, from the neutral pions.
6demonstrating that luminous starbursts are opaque to ∼
30 TeV photons, turning them into pair e±. In practice, since
about half of the total infrared radiation is FIR (Calzetti et al.
2000), the expected τγγ will be lower by a factor of a few,
but still of order unity. This is in contrast to the Milky Way,
which is essentially transparent to γ-rays (Mastichiadis et al.
1991; Moskalenko et al. 2006; Stawarz et al. 2010).
Pionic γ-rays are expected to dominate the VHE γ-ray lu-
minosity of starbursts, so the calculation of the synchrotron
power from tertiary pair e± is similar to that for secondary
pionic e±. CR protons roughly inject 2 times more energy in
pionic γ-rays than in pionic secondary e±, so the synchrotron
power should likewise be twice as great for pair e± than direct
secondaries (eq. 17):
νLν (keV)≈ 3.8× 1040Fcal(100 TeV) fsynch
(
ΓSN
yr−1
)
ergs s−1,
(19)
for an E−2 injection spectrum between kinetic energies of 1
GeV and 1 PeV with 1050 ergs per supernova in CR pro-
tons. Again comparing to M82 with a supernova rate of ΓSN ≈
0.1 yr−1, we find that νLν may be as high as 4× 1039 ergs s−1
(with Fcal = fsynch = 1), equal to the observed diffuse X-ray
emission. As with secondary pionic e±, diffusive and advec-
tive losses (lower Fcal) and softer injection spectra reduce the
predicted synchrotron X-ray luminosity. On the other hand,
non-pionic γ-rays, such as from discrete sources like pulsars,
will also produce pairs in the starburst radiation field, and this
can enhance the electron population and synchrotron X-ray
luminosity further.
Like secondary e±, tertiary e± will not be concentrated
near CR accelerators, since the pionic γ-rays that generate
them are emitted everywhere in the starburst region. How-
ever, the pair e± production may be enhanced near luminous
IR sources within the starbursts. A treatment of this effect
requires a radiative transfer calculation, which is beyond the
scope of this work.
3. MODELLING ASSUMPTIONS
To understand the synchrotron and Inverse Compton X-
ray emission of starburst galaxies, we create models of the
steady-state CR populations of the Galactic Center, NGC
253, M82, and the nuclei of Arp 220. Our goal here is to
sketch out the parameter space allowed by multiwavelength
data using a few standard assumptions, and investigate the
synchrotron and IC emission that arises under these assump-
tions. We model the starbursts as one-zone disks of radius R
and midplane-to-edge scale heights h. The evolution of CR
population is governed by the diffusion-loss equation (e.g.,
Ginzburg & Ptuskin 1976; Strong et al. 2007). In steady-state
one-zone models with no spatial or temporal dependence, the
diffusion-loss equation reduces to the leaky box equation:
N(E)
tlife(E) −
d
dE [b(E)N(E)] − Q(E) = 0. (20)
Here, Q(E) is the injection spectrum of CRs, b(E) is the cool-
ing rate of CRs (including ionization, bremsstrahlung, IC,
and synchrotron), and tlife(E) is the lifetime of CRs from es-
cape (both diffusive and advective) and pionic losses for pro-
tons. The CR lifetime tlife(E) is calculated as [tlife(E)]−1 =
[tdiff(E)]−1 + t−1adv + [tπ(E)]−1, where tdiff(E) is the diffusive es-
cape time, tadv is the advective escape time, and tπ(E) is the
pionic loss time for protons. We use the numerical code de-
scribed in Lacki et al. (2010) to find the steady-state CR spec-
tra, employing a Green’s function given in Torres (2004). See
Table 1 for the parameters we used for each starburst.
3.1. Injection
We calculate the star-formation rate by directly converting
the TIR (total infrared; 8 − 1000 µm) luminosity of the star-
burst disk:
SFR = LTIR/(εc2), (21)
where ε = 3.8× 10−4 is a dimensionless factor relating the lu-
minosity to the instantaneous star formation rate, and is IMF
dependent (Kennicutt 1998). The factor ε is derived assuming
a starburst that is continuous over 10 - 100 Myr and a Salpeter
IMF (Kennicutt 1998). The CR energy injection rate per unit
volume is assumed to be proportional to star-formation rate:
ǫCR,e = 9.2× 10−6E51ψ17LTIR(ξ/0.001)/V (22)
ǫCR,p = 9.2× 10−4E51ψ17LTIR(η/0.1)/V (23)
= ǫCR,eδ (24)
(25)
for electrons and protons respectively, where ξ is the electron
acceleration efficiency, δ is the ratio of proton accleration effi-
ciency η to ξ, ψ17 = (βSN/ε)/(17 M−1⊙ ), V = 2πR2h is the star-
burst volume, and βSN is the SN rate per unit star formation.
The total SN rate in the starbursts is ΓSN = 17LTIR/(M⊙c2):
ΓSN = 0.036 yr−1ψ17
(
LTIR
1010.5 L⊙
)
. (26)
We assume ψ17 = 1 throughout this work. The efficiency of
primary CR electron acceleration is described by the ξ pa-
rameter, and the ratio of energy going into CR protons and
CR electrons is δ.
We assume that CR protons and electrons are respectively
injected with a momentum power law spectrum
dQp/dq =Cpq−p (27)
dQe/dq =Ceq−p (28)
per unit volume, where q is the CR proton or electron momen-
tum. A minimum kinetic energy cutoff of Kmin = 1 MeV was
used with these spectra. The CR proton spectrum is assumed
to extend to γ pmax = 106, corresponding to an energy of 938
TeV (γ pmax = 105 and 107 are considered in Appendix B). We
try different cutoffs in the Lorentz factor γprimmax of the primary
electron spectrum, both 106 and 109. We note that we are as-
suming the “test particle” approach to CR acceleration here.
Nonlinear effects can result in more complicated spectra, with
breaks in the power law at low energy and spectral hardening
at high energy (e.g., Berezhko & Ellison 1999; Ellison et al.
2000; Malkov & O’C Drury 2001; Blasi et al. 2005). We also
neglect additional, harder components of e± from different
CR accelerators. In general, a hardening of the injected elec-
tron spectrum at high energy will result in more synchrotron
X-ray emission and a softening of the injected electron spec-
trum will result in less synchrotron X-ray emission.
The normalizations of the CR injection spectra are then set
by calculating the integral of the kinetic energy injected and
equating with ǫCR:
ǫCR,p =Cp
∫ qmax,p
qmin,p
q−p
(√
q2c2 + m2pc4 − mpc
2
)
dq (29)
ǫCR,e =Ce
∫ qmax,e
qmin,e
q−p
(√
q2c2 + m2ec4 − mec
2
)
dq (30)
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MODEL PARAMETERS
Parameter Units Galactic Center NGC 253 Core M82 Arp 220 West Arp 220 East
Assumed parameters
B µG 50 - 100 50 - 400 50 - 400 250 - 16000 250 - 16000
Σg g cm−2 0.003 - 0.1 0.10 0.17 10 10
h pc 42 50 100 50 50
R pc 112 150 250 50 50
ℓ⊕
a pc 112 150 250 50 50
D Mpc 0.008 3.5 3.6 79.9 79.9
vwind km s−1 600 300 300 300 300
LTIR L⊙ 4× 108 2× 1010 5.9× 1010 3× 1011 3× 1011
LX (diffuse)b ergs s−1 7.4× 1036c 8.5× 1038d 4.4× 1039e 4× 1040f 1.5× 1040f
Fiducial Parameters
B µG 100 100 150 4000 4000
Σg g cm−2 0.003 0.10 0.17 10 10
p · · · 2.2 2.2 2.2 2.2 2.2
tdiff(3 GeV) Myr 1 1 10 10 10
γ
prim
max · · · 109 109 109 109 109
η · · · 0.14 0.40 0.10 0.10 0.10
ξ · · · 0.0066 0.027 0.0077 0.021 0.0083
Stherm(1.0 GHz) Jy 370 0.63 1.3 · · · · · ·
Fiducial Results
LX (synch)g ergs s−1 4.3× 1035 7.2× 1037 9.6× 1037 6.0× 1039 5.2× 1039
Γ (synch)g · · · 2.12 2.08 2.15 2.12 2.12
LX (IC)g ergs s−1 9.0× 1033 2.7× 1037 4.1× 1037 2.6× 1039 1.9× 1039
Γ (IC)g · · · 1.58 1.35 1.31 1.44 1.44
δ˜ · · · 84 59 51 18 48
Fcal · · · 0.0037 0.15 0.33 0.97 0.97
Fcal(≥ 10 TeV) · · · 6× 10−4 0.016 0.11 0.93 0.93
a Adopted sightline distance through starburst to Earth, for computing observed TeV γ-ray spectrum.
b Adopted diffuse hard X-ray emission, with which synchrotron and IC are compared.
c Galactic Center luminosity in 2 - 10 keV X-ray band from Koyama et al. (1996), as extrapolated to |ℓ| ≤ 0.8◦ and |b| ≤ 0.3◦
assuming a constant surface brightness.
d NGC 253 disk diffuse 2 - 10 keV X-ray luminosity from Bauer et al. (2008). Note that this includes the outlying regions of the
galaxy and not just the starburst core.
e Luminosity of diffuse hard X-ray excess in 2 - 8 keV band from Strickland & Heckman (2007). The uncertainty is 0.2×
1039 ergs s−1.
f Absorption-corrected Arp 220 X-ray luminosities from Clements et al. (2002). We assume that Arp 220 X-1 is the western
nucleus and Arp 220 X-4 is the eastern nucleus.
g Synchrotron and IC luminosities and photon indexes, for the hard X-ray energy bands given for LX (diffuse) (2 - 8 keV for M82,
2 - 10 keV for the other starbursts).
where qmin = (1/c)
√
K2min + 2Kminmc2 and qmax =
mc
√
(γprimmax )2 − 1. The ratio of energy in CR electrons to
CR protons injected at high energies can be approximated as:
δ˜ =
Cp
Ce
≈
(
mpc
2
Kmin
)p−2
δ. (31)
In the Milky Way, δ˜≈ 50−100, which is expected from charge
conservation in the acceleration region for a p ≈ 2.2 momen-
tum power law injection spectrum (Schlickeiser 2002). This
value of proton/electron injection ratio is also inferred from
propagation studies that compare with observations of CRs
in the Milky Way (e.g., Strong et al. 2010), and from the CR
pressure derived from shock structure in Tycho’s supernova
remnant (Warren et al. 2005). It is also the approximate ratio
of the CR proton and electron energy densities at Earth (e.g.,
Ginzburg & Ptuskin 1976).
3.2. Propagation
In solving the leaky box equation for CR e±, we con-
sider energy losses from ionization, bremsstrahlung, syn-
chrotron, and IC. CR protons experience continuous ioniza-
tion losses, which are important at low energies where pionic
losses are negligible. All CRs can also escape, either through
energy-dependent diffusion, or energy-independent advection
(winds). We assume an E−1/2 energy dependence to the diffu-
sive escape times; the exact energy dependence is not known,
although our assumption is conservative in that CR protons
will tend to easily escape at higher energy without producing
pionic e± and γ-rays. The normalization of the diffusive es-
cape time in starbursts is also not known, so we consider a
variety of normalizations:
tdiff = tdiff(3 GeV)
(
E
3 GeV
)
−1/2
, (32)
with tdiff(3 GeV) ranging from 1 Myr to∞ (in the Milky Way,
tdiff(3 GeV)≈ 30 Myr; Connell 1998; Webber et al. 2003).
The power law dependence of the diffusion escape time
is not precisely known, even for the Milky Way. By in-
terpreting local CR nuclei data with CR propagation mod-
els, di Bernardo et al. (2010) showed that the diffusion es-
cape time in the Milky Way has a E−0.3 to E−0.6 dependence.
By comparing the diffusion lengths of CR electrons and pro-
8tons of different energies, as traced by radio and γ-rays,
Murphy et al. (2012) found that the diffusion constant has a
∼ E−0.75 form in the super star cluster 30 Doradus, but with
a smaller value at GeV energies than in the Milky Way disk.
Meanwhile, Abramowski et al. (2012) could only place small
upper limits on the diffusion constant for 30 TeV protons in
the starburst NGC 253 from the lack of an observed spec-
tal break. Different energy dependences would alter the CR
proton population at TeV energies, and we naturally expect
more secondary and pair e± (and their accompanying syn-
chrotron X-rays) if there is a weaker energy dependence in
tdiff than in equation 32. However, the TeV γ-ray luminosity
will also be different, so in starbursts with a TeV γ-ray lumi-
nosity constraint, the allowed parameter space would change.
This would weaken the effect of different energy dependence
in tdiff, since there is a shorter “lever arm” between the pop-
ulation traced by TeV γ-rays (∼ 10 − 100 TeV protons for 1
- 10 TeV γ-rays) and synchrotron X-rays (∼ 100 − 1000 TeV
protons). For E−0.3 energy dependence (the weakest usually
expected), the diffusion time is greater than 300 kyr at PeV
energies as long as tdiff(3 GeV) & 10 Myr, meaning that ad-
vection (and any pionic losses) will be more important than
diffusive escape (see equation 12). Thus, relatively slow dif-
fusive escape with a E−0.3 energy dependence is equivalent
to no diffusive escape at all (tdiff(3 GeV) →∞). In addition,
in models where primary electrons dominate the synchrotron
X-ray flux (the Galactic Center and low B models of other
starbursts), diffusive escape will have little effect, since the
synchrotron cooling time is so short at these energies (equa-
tion 3).
Advective escape times are more well known; a wind with
a speed of a few hundred kilometers per second will carry
a CR out of the starburst in a few hundred kyr (eq 12).
Our models of NGC 253, M82, and Arp 220 assume that
vwind = 300 km s−1. We use a wind speed of 600 km s−1 for
the Galactic Center models, as Crocker et al. (2011b) infers
for the Galactic Center region.
To calculate the effects of pionic losses on the CR proton
spectrum, we directly integrate all of the energy going into
pionic secondary products:
tπ = Kp

nHβCRc ∑
e±,γ,ν
∫ Ep
0
Esec
dσ(Ep,Esec)
dEsec
dEsec


−1
(33)
The spectra of the pionic secondary e±, γ-rays, and neutri-
nos are calculated using the Kamae et al. (2006) cross sec-
tions for proton energies below 500 TeV and the Kelner et al.
(2006) cross sections for proton energies above 500 TeV. This
method has the advantage of being consistent between the dif-
ferential cross sections and the pionic lifetime. We also con-
sider other cross section parametrizations and pionic lifetimes
in Appendix A; we generally found that these produced simi-
lar results.
Calculating the injection rate of pair-produced e± requires
both the low-energy target photon and γ-ray spectra within the
starburst. Assuming a planar geometry, with γ-rays traversing
vertically out of the starburst disk7, the γ-ray number density
is
Nγ(Eγ) = Qγ(Eγ)h
cτγγ(Eγ) [1 − exp(−τγγ(Eγ))], (34)
7 Note that γ-rays do not always travel straight out of the disk plane, but
also at horizontal angles through the disk. Thus we underestimate the mean
τ by a geometrical factor of order unity.
where Qγ is the injection rate of γ-rays per unit volume in
photons per unit energy per unit volume. For a photon num-
ber density spectrum n(ǫ), we calculate the pair production
opacity τγγ using
τγγ(Eγ) =
∫
hn(ǫ)σγγ(ǫ,Eγ)dǫ (35)
where we use the approximation in Aharonian (2004) (equa-
tion 3.23) for the differential pair-production cross section
σγγ(ǫ,Eγ) given in full in Gould & Schréder (1967), and
where we have also assumed that the radiation field is
isotropic. When calculating the γ-ray spectrum observed at
Earth, we replace h with ℓ⊕, the sightline to the center of the
starburst disk (equal to R for perfectly edge-on disks).
We use the GRASIL SEDs for the radiation fields of M82
and Arp 220, scaled to the correct luminosities (Silva et al.
1998).8 For NGC 253, we use the M82 GRASIL SED scaled
to the NGC 253 starburst’s luminosity. We use the SED of
Porter et al. (2008) for the Galactic Center, adding an infrared
greybody dust component from star-formation of temperature
20 K (Launhardt et al. 2002). The GRASIL luminosities are
converted to energy densities as U = L/(2πR2c). We then add
the CMB to the SEDs of NGC 253, M82, and Arp 220’s nu-
clei (the CMB is already present in the Porter et al. 2008 ra-
diation field for the Galactic Center). We show the resultant
γ-ray optical depths for these SEDs in Figure 1. M82 and
Arp 220 are both optically thick in the 10 - 100 TeV range.
NGC 253’s optical depth peaks at ∼ 35 TeV with τ ≈ 0.5.
However, the Galactic Center is transparent at all considered
energies. Opacity from three radiation components are visible
in Figure 1: near infrared radiation from old stars, far infrared
radiation from dust grains, and the CMB. In NGC 253, M82,
and Arp 220, the far infrared radiation completely dominates
the γγ opacity.
The source function Qpair(Ee) of pair production e±
is then calculated from the γ-ray and IR spectra (e.g.,
Aharonian et al. 1983; Böttcher & Schlickeiser 1997). We
have implemented pair production in our code. We use
the Aharonian et al. (1983) approximations for the source
function, as given in equation 32 of Böttcher & Schlickeiser
(1997), which are known to be accurate at high energies.9
After calculating the γγ pair e± spectrum, we then calcu-
late the γ-ray luminosity from these pairs. We then in turn
calculate the pair e± from these γ-rays, using the same pro-
cedure as we did for the γ-rays from protons and primary and
secondary e±. We found that these higher-order pair e± were
typically only a small fraction of the γγ pair e± population,
reaching a maximum of 50% in the Arp 220 nuclei models
even with B = 250 µG and under 8% for M82, NGC 253, and
the Galactic Center.
3.3. Constraints
We run grids in η, B, p, and the normalization of the diffu-
sive escape time tdiff (see eq. 32). Hadronic models (with CR
8 The GRASIL SEDs are available at
http://adlibitum.oat.ts.astro.it/silva/grasil/modlib/fits/fits.html.
9 Note that both equations 26 and 32 in Böttcher & Schlickeiser (1997)
are for electrons only (Aharonian & Khangulyan 2011, private communica-
tion; Böttcher 2011, private communication). Our attempts at calculating the
pair spectrum using the Böttcher & Schlickeiser (1997) formula gives results
that are a factor of 2 too small, both by comparing with the Aharonian et al.
(1983) pair spectrum and checking energy conservation. A previous version
of this paper assumed that Böttcher & Schlickeiser (1997) equation 32 was
for both e±; thus the pair injection rate was underestimated a factor of 2 in
that version.
9FIG. 1.— On the left, we show the photon densities of the radiation fields of the Galactic Center (short-dashed), NGC 253 (long-dashed), M82 (solid), and a
starburst nucleus of Arp 220 (dotted). The FIR emission from dust dominates the photon population, except in the Galactic Center where the number of CMB
photons is comparable. On the right we show the pair-production optical depths of these starbursts, along a vertical sightline out of the starburst disk. Note that
M82 and Arp 220 are opaque at tens of TeV.
protons, secondary e±, and the pair e± associated with the
γ-rays from these) are run independently of leptonic models
(with primary CR electrons and the pair e± from the γ-rays
they generate), giving us a hadronic and leptonic template for
each parameter set. The two are then added together by scal-
ing the hadronic template with η and the leptonic template
with ξ. For starbursts where there are error bars in the radio
data (Galactic Center, NGC 253, and M82), we then select the
free-free emission flux Stherm(GHz) at 1 GHz based on chi-
square fitting of the radio data, scaling ξ for each Stherm(GHz)
so that the 1.4 GHz synchrotron radio emission of the star-
bursts equals our model predictions. We use the interferomet-
ric measurements in Williams & Bower (2010) of M82 and
the starburst core of NGC 253 and the ≥ GHz radio mea-
surements in Crocker et al. (2011b) for the Galactic Center
(“HESS region”) radio flux. We use the radio data compiled
in Torres (2004) for the east and west nuclei of Arp 220; since
these data do not have error bars, we simply normalize ξ to
match the observed 5 GHz flux. Models with negative ξ (if
the secondaries alone overproduced the radio flux) were not
allowed.
We then require the predicted 0.3 - 10 GeV (Abdo et al.
2010b) and TeV (Acero et al. 2009; Acciari et al. 2009) emis-
sion of M82 and NGC 253 to match the observed values to
within a factor 2. For the Galactic Center region, we require
the predicted TeV emission to match the observed emission
(Aharonian et al. 2006) to within a factor 2, and the predicted
GeV emission to be lower than the observed emission within
|ℓ| ≤ 1◦ and |b| ≤ 1◦ from EGRET (Hunter et al. 1997). For
Arp 220, we require both the predicted GeV and TeV to be
lower than the upper limits from the Fermi-LAT one year cat-
alog (Abdo et al. 2010b) and MAGIC (Albert et al. 2007), re-
spectively.
We also run a purely calorimetric hadronic model for each
p, B, and density, with no advective or diffusive losses. By
integrating up the volumetric power generated in secondary
e±, γ-rays, and neutrinos in a model, and comparing the yield
with the calorimetric model, we can quantify the efficiency of
pionic losses as the calorimetric fraction Fcal:
Fcal =
∫∞
0 (E
dQγ
dE + E
dQe
dE + E
dQν
dE )dE∫∞
0 (E
dQcal
γ
dE + E
dQcale
dE + E
dQcal
ν
dE )dE
. (36)
We also quantify the efficiency of pionic losses for generating
VHE products by calculating Fcal(≥ 10 TeV), in which we
change the lower bound of integration to 10 TeV.
Usually, a range of η will be compatible with these con-
straints. For the sake of brevity, for a given parameter set (Σg,
B, p, tdiff(3 GeV)), we consider only those models that either
have (a) the minimum allowed η, (b) the maximum allowed η,
(c) the η which predicts the closest match to the∼GeV γ-ray
emission (in M82 and NGC 253) or the TeV γ-ray emission
(in the Galactic Center), or (d) η fulfills (a), (b), or (c) for
some other γprimmax and the model otherwise satisfies our con-
straints. For Arp 220’s nuclear starbursts, we simply assume
that η = 0.1 since there are no γ-ray detections yet.
4. RESULTS AND COMPARISON WITH OBSERVATIONS
At GeV energies, synchrotron losses must compete with
extremely strong bremsstrahlung, ionization, and IC losses,
which cool e± before they radiate much synchrotron. In or-
der to account for the observed radio emission, there must be
more CR e± than one would naively expect for primary elec-
trons with Milky Way-like acceleration efficiencies. In gen-
eral, we find that two different kinds of models work, given
the radio constraints and the γ-ray observations:
1.) In models with high B, the GeV CR e± spectrum is
dominated by pionic secondaries, which enhance the radio
emission. In this limit, models are not affected much by vari-
ations in sufficiently small ξ, since any small ξ will result in
sub-dominant primaries. The amount of synchrotron emission
from secondaries (and tertiary pair e± from pionic γ-rays) is
set by the efficiency of CR proton acceleration (η ≈ 0.1, in
turn set by the γ-ray observations), the efficiency of pionic
losses Fcal and pair production (set by the gas density and ra-
diation fields, not B), and the power of synchrotron with re-
spect to other losses fsynch (which is highly dependent on B
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for GHz emission, but is ∼ 1 for X-ray emitting energies in
high B models). Thus the hadronic component asymptotes to
a constant synchrotron X-ray luminosity as B increases. How-
ever, the GHz radio synchrotron emission does increase with
B, because of the dominant non-synchrotron losses; in models
with too high B, the secondaries overproduce the radio emis-
sion at fixed η. This sets an upper bound on B.
2.) At low B, the synchrotron emission of secondary e± is
insufficient to explain the observed GHz radio. The only way
for there to be enough CR electrons is to increase the primary
CR electron acceleration efficiency greatly. Thus, low B mod-
els favor primary electrons dominating the CR e± spectrum at
GeV energies.10 If the value of γprimmax is relatively small, the
10 - 100 TeV CR e± spectrum only consists of secondaries
and tertiaries. If the primary CR electron spectrum extends to
higher energies, though, the primary electrons in these mod-
els may overwhelm the secondaries and tertiaries and greatly
enhance the synchrotron X-ray emission. Although we con-
sider them, we feel that these models are contrived: in those
starbursts with γ-ray constraints, these models require the CR
proton acceleration efficiency to be the same or less than the
in the Milky Way (η . 0.1), so that the the total hadronic
and leptonic γ-ray emission not exceed observations. How-
ever, they also require that primary CR electrons be acceler-
ated much more efficiently (ξ ≈ 0.05 − 0.2) in starbursts com-
pared to ξ . 0.01 − 0.02 in the Milky Way (Lacki et al. 2010;
the numerical value depends on the shape of the CR electron
spectrum at energies ≤ GeV). They can be distinguished ob-
servationally from the high B secondary-dominant models by
γ-ray emission below ∼ 100 MeV: models with low B have
intense bremsstrahlung and IC emission which flattens out the
pionic “bump” at lower energies. Indeed, the leptonic γ-ray
emission sets a lower limit on B for the starbursts we model.
This basic idea that different B require different elec-
tron acceleration efficiency to match the GHz radio con-
straints has been described before in Persic et al. (2008),
de Cea del Pozo et al. (2009a), and Rephaeli et al. (2009).
In Tables 2, 3, 4, and 5, we list the synchrotron X-ray emis-
sion in models for the Galactic Center, NGC 253, M82, and
the nuclei of Arp 220, respectively. We find that the syn-
chrotron X-ray emission is very weak in the Galactic Cen-
ter and generally weak in NGC 253 and M82, especially in
models where the primary e− spectrum cuts off below a TeV
(γprimmax = 106). In Arp 220, however, the synchrotron contribu-
tion to the diffuse X-ray emission is significant, even with a
low energy primary cutoff. The IC emission is also a small
minority of the X-ray emission. We discuss individual star-
bursts in § 4.1 - 4.4.
Some general trends are apparent in the tables. First, the
synchrotron X-ray fraction is higher if the injection spectra
are harder, simply because there are more e± and protons at
higher energy. Second, the amount of X-ray emission de-
pends on the primary electron maximum energy. The cut-
off dependence is especially strong in low B models where
the primaries dominate the CR e± spectrum. Even in high B
10 Lacki et al. (2010) postulated a “high-Σg conspiracy” that sets the ra-
dio synchrotron luminosity of starbursts: the suppression of starbursts’ radio
emission by non-synchrotron losses is compensated by the appearance of sec-
ondary e± and the dependence of the critical synchrotron frequency on B. In
the low B models, the non-synchrotron losses are still present and are even
more influential because B is smaller, but they are instead compensated by
a much larger primary CR electron acceleration efficiency than in the Milky
Way. Thus, there still is a conspiracy, but a different one involving high ξ
instead of secondaries.
models, where secondaries dominate the CR e± population
at ∼ GeV energies, primaries can still dominate the ∼ TeV
e± population, because diffusive escape becomes quicker at
high energies and removes CR protons before they can in-
teract with starburst gas. Third, a shorter diffusive escape
time reduces the synchrotron X-ray contribution, particularly
in high B models for M82 and NGC 253 where the secondary
e± at multi-TeV energies is dominant in some models and
sub-dominant in others.
To simplify our presentation, we also subjectively choose a
“fiducial” model for each considered starburst. To qualify as
a fiducial model, δ˜ must be near its approximate Milky Way
value, within the range 50 - 100, whenever this is possible
among the allowed models. This criterion selects the higher
B models. Because of the coarseness of our grids in B, how-
ever, we were not able to get δ˜ to match in all of our fiducial
models: δ˜ is 18 in the fiducial model for Arp 220’s western
nucleus, and 48 - 84 in the other starbursts. We also consider
only p = 2.2 models (which also means 13 ≤ δ ≤ 25, from
eqn. 31). Finally, we try to choose models that are close fits
to any existing γ-ray observations. The parameters for these
fiducial models are listed in Table 1.
4.1. The Galactic Center
Introduction – The Galactic Center region in many ways re-
sembles a mini-starburst; we refer the reader to Crocker et al.
(2011b) for a complete discussion of its properties. Dif-
fuse hard (Γ ≈ 2.3) TeV γ-rays have been observed with
HESS in the region with |ℓ| < 0.8◦ and |b| < 0.3◦ (R =
112 pc; h = 42 pc; Aharonian et al. 2006; Crocker et al.
2011b), which we take as our modelled region. The source
of the CRs responsible for this emission has been con-
jectured to be Sgr A⋆ (e.g., Ballantyne et al. 2007), super-
novae in the region (e.g., Büsching et al. 2007; Crocker et al.
2011b), and diffusive reacceleration of CRs in the intercloud
medium (Wommer et al. 2008; Melia & Fatuzzo 2011). The
hard CR spectrum could either be explained by either a re-
cent non-steady-state injection of CRs (Aharonian et al. 2006;
Büsching et al. 2007), or steady-state energy-independent
transport such as advection (Crocker et al. 2011b). For the
purposes of this paper, we assume like Crocker et al. (2011b)
that the diffuse TeV emission is from a steady-state popula-
tion of CRs accelerated by star-formation processes, and then
briefly discuss the consistency of this scenario with our re-
sults.
GeV emission from the nuclear starburst specifically, as op-
posed to the inner Galaxy, is not yet well constrained, al-
though it probably is present (Crocker et al. 2010a). Radio
emission is observed both from this region and a surrounding
halo-like structure that extends out to |ℓ| < 3◦ and |b| < 1◦
(R = 420 pc, h = 140 pc) which contains most of the observed
radio emission. The luminosity of the dust in the region is
4× 108 L⊙ (Launhardt et al. 2002); taking that as LTIR, we
derive a star-formation rate of 0.07 M⊙ yr−1 (eq. 21), which
is compatible with the star-formation rate over the past few
million years found by Yusef-Zadeh et al. (2009) (see also the
extensive discussion in Crocker et al. 2011a,b).11 This IR lu-
11 Launhardt et al. (2002) find a total stellar luminosity of 2.5× 109 L⊙,
mostly from the nuclear star cluster, but this luminosity with eq. 21 implies a
much higher star-formation rate of 0.3 M⊙ yr−1 if it mostly came from young
stars. Since the total radio emission is mostly from primaries in our models,
this would require ξ to be∼ 6 times smaller than our derived values, or 0.001.
The TeV γ-ray emission, if it is hadronic, would imply ∼ 6 times smaller η
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minosity implies that the inner starburst region observed with
HESS falls off the FIR-radio correlation observed in starbursts
like M82 and NGC 253, but the surrounding halo does lie on
the correlation (Crocker et al. 2011a). This combined with the
γ-ray faintness of the starburst region given its supernova rate
implies a strong wind, with a speed we take to be 600 km s−1
following Crocker et al. (2011b). The radiation energy den-
sity from the dust luminosity is 42 eV cm−3. For the back-
ground radiation field we add this star-formation TIR radia-
tion field to the inner Milky Way radiation field in Porter et al.
(2008), which includes the contributions from stars outside
the Galactic Center starburst proper. This radiation field has
an energy density 15 eV cm−3, for a total radiation energy
density 57 eV cm−3 (Brad =
√
8πUrad = 48 µG).
The gas surface density that CRs traverse in the Galactic
Center region is not very well constrained. Pierce-Price et al.
(2000) find a gas mass of 5× 107M⊙ in the inner 200 pc,
corresponding to Σg = 0.09 g cm−2. Ferrière et al. (2007)
find that Σg ≈ 0.03 g cm−2 in the inner few hundred pc, al-
though steeply falling with distance from the Galactic Center.
Crocker et al. (2011b) find that CRs have to sample gas of less
than average density to fit the multiwavelength data. We run a
grid in Σg ranging from 0.003 g cm−2 to 0.1 g cm−2 to account
for these uncertainties. We assume a magnetic field strength
of 50 or 100 µG (Crocker et al. 2010a).
The Galactic Center region also has a hard X-ray and
soft γ-ray excess along the Galactic ridge (e.g., Worrall et al.
1982). The central square degree has a 2 - 10 keV sur-
face brightness of 10−9 ergs s−1 cm−2 sr−1 (Koyama et al.
1996); we scale this to the modeled region, assuming
constant surface brightness, to get a luminosity of 7.4 ×
1036 ergs s−1. Although the X-ray ridge emission was once
attributed to very hot gas, most of the emission has been re-
solved into faint X-ray sources, mainly associated with stars
(Revnivtsev et al. 2006, 2009). At higher energies & 50 keV
(particularly soft γ-rays), Inverse Compton may dominate
the emission (Porter et al. 2008). Synchrotron has previ-
ously been considered as a source of the Galactic ridge X-ray
emission (Protheroe & Wolfendale 1980; Porter & Protheroe
1997), but requires stronger magnetic fields than are present
in much of the Milky Way to avoid overproducing TeV In-
verse Compton emission (Aharonian & Atoyan 2000). Given
the strong magnetic fields and relatively high star-formation
rate of the Galactic Center starburst, we reconsider whether
synchrotron emission may contribute to the X-rays from this
region.
Modelled Radio and γ-rays – The Galactic Center region
has few radio data points, so it is not surprising that we are
able to fit the ≥ GHz radio data. In the allowed models, the
radio emission is dominated by primaries (c.f. Crocker et al.
2011b), which have ξ = 0.005 − 0.01 for B = 100 µG and ξ =
0.03 − 0.06 for B = 50 µG. The 74 and 330 MHz data points
fall well below our fits, which is probably due to the strong
free-free absorption known to be present in the region (e.g.,
Brogan et al. 2003).
Models with Σg = 0.003 g cm−2 are strongly preferred by
the γ-ray constraints (see Table 2 for the allowed models).
This supports recent modeling by Crocker et al. (2011b) im-
plying that CRs do not sample the average density in the
Galactic Center region. Low gas surface densities means that
Fcal is also small,∼ 0.3−0.8% forΣg = 0.003 g cm−2 (contrast
than in our models, . 0.02. Crocker et al. (2011b) however conclude that the
supernova rate is consistent with the lower rate we use.
FIG. 2.— Our predicted total (synchrotron + free-free) radio spectrum (red,
solid) compared to the observations compiled in Crocker et al. (2011b). Open
circles are fitted while Xs are not fitted. The synchrotron spectrum itself is
the red long-dashed line, with components from primary and secondary e±
are shown as red dotted and red short-dashed lines. The black dash-dotted
line is our fit to the thermal free-free emission with these parameters.
this with Fcal ≈ 8 − 21% for Σg = 0.1 g cm−2). Thus, in many
of our models, the Galactic Center is actually less of a proton
calorimeter than the Milky Way as a whole. Above 10 TeV,
diffusive escape can reduce this even further, to∼ 0.4% when
tdiff(3 GeV) = 10 Myr and∼ 0.06% when tdiff(3 GeV) = 1 Myr
for Σg = 0.003 g cm−2. Secondaries are therefore a minority
compared to the primaries (dashed lines in Figure 3, left). Ter-
tiary pair e± are negligible at all energies, because the Galac-
tic Center is transparent to 10 - 100 TeV γ-rays (Figure 1,
short-dashed line).
Synchrotron X-rays – Except in a few of the most opti-
mistic models, only a small fraction of the hard X-ray emis-
sion from the Galactic Center is synchrotron (see Table 2).
This is perhaps not surprising, given that most of the X-ray
emission has already been resolved. With CR protons and
VHE γ-rays escaping so readily, there are few secondary or
tertiary e± at 10 - 100 TeV energies to emit synchrotron X-
rays (Figure 3). Therefore the X-ray emission strength is de-
termined by primary electrons. Furthermore, the relatively
low B of the Galactic Center compared to the other star-
bursts means that a given synchrotron frequency corresponds
to higher e± energies, where the cutoff in CR protons causes
a steep falloff in the secondary e± spectrum. We find syn-
chrotron fractions of 0.01% to 6%, with a fiducial value of
5.9% (Lsynch2−10 = 4.3× 1035 ergs s−1 ≈ 3× 10−7 LTIR). This is
consistent with the resolution of 88± 12% of the X-ray ridge
emission at energies of ∼ 7 keV (Revnivtsev et al. 2009). For
p = 2.2, we find γprimmax = 109 models have synchrotron frac-
tions of ∼ 6%; almost all allowed models with γprimmax = 106
have synchrotron fractions of 0.1% or less.
The synchrotron emission has a very soft spectrum (Γ2−10 =
2.35 − 2.50) in models with γprimmax = 106. This is because in the
weaker 50 − 100 µG magnetic fields of the Galactic Center,
the 2 - 10 keV X-ray emission traces e± of very high energy
(grey shading in left panel of Figure 3). The CR secondary
e± spectrum starts to cutoff at these energies, because the CR
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FIG. 3.— The CR electron (left) and photon (right) spectra of the Galactic Center region. On the left, primary electrons are solid (γprimmax = 106) and long-dashed
(γprimmax = 109), pionic secondaries are short-dashed (blue is e+, black is e−, and grey is total). Pair and knock-off electrons are insignificant. Blue and black shading
denote the approximate e± energies that radiate in the 2 - 10 keV band through IC and synchrotron, respectively. The vertical line indicates the approximate
energy that radiates synchrotron at 1.4 GHz. On the right, synchrotron is red, bremsstrahlung is green, IC is blue, pionic is violet, and total is black. Solid lines
are the Earth-observed absorbed luminosities in the γprimmax = 106 models. Dashed lines show γγ absorbed luminosities in γprimmax = 109 models. The TeV data points
are from Aharonian et al. (2006).
proton spectrum ends at a PeV in our model (see Appendix B
for the effects of altering the maximum proton energy). In
models with γprimmax = 109, the synchrotron spectrum has Γ2−10 =
2.12 − 2.27, since the primary electron spectrum remains hard
at these energies (left panel of Figure 3).
Inverse Compton X-rays – The IC contribution to the ob-
served 2 - 10 keV emission from the TeV-emitting region is
also small. The main factor affecting the IC contribution is
B: in models with B = 50 µG, IC makes up 0.5% of the 2 -
10 keV emission; in models with B = 100 µG, IC makes up
0.09 - 0.16% of the 2 - 10 keV emission. The IC emission
has a spectral index of 1.45 − 1.67, due to the strong advective
losses flattening the electron spectrum.
The ratio of synchrotron and IC emission in the 2 - 10 keV
band has a large range (0.029 - 55; fiducial: 48) in the al-
lowed models. However, in all of the γprimmax = 109 models, syn-
chrotron is brighter than IC, with typical ratios of ∼ 3 − 5 for
p = 2.4 models and∼ 50 for p = 2.2 models. The large values
of these ratios even when p = 2.4 arises because UB & Urad
and winds remove electrons below 10 GeV before they can
radiate much IC (eqns. 9 and 12). By contrast, in most of
the γprimmax = 106 models, the synchrotron to IC ratio is almost
always less than unity.
Conclusion – The Galactic Center in some respects is a poor
target for synchrotron X-ray emission. This is because it has a
large X-ray background probably from stellar X-ray sources,
contains a fast wind that removes protons before they can in-
teract with the gas and produce secondary e± and γ-rays that
could cascade, and a weak radiation field compared to other
starbursts that means few pairs are produced from the γ-rays.
The synchrotron emission is a few percent of the observed
emission only if the primary electron spectrum extends to high
enough energies. IC emission in the 2 - 10 keV X-ray band
is also very weak (< 1%), because the Galactic Center wind
removes GeV electrons before they can IC upscatter ambi-
ent radiation. However, the proximity of the Galactic Center
means that many point sources can be resolved out, leaving
the truly diffuse X-ray emission (e.g., Revnivtsev et al. 2009).
A potential concern about our results is whether time-
independence is a good approximation. Our assumed TIR
luminosity of 4× 108 L⊙ translates to a supernova rate of
(2200 yr)−1, while our fiducial diffusive escape time is tdiff =
106 yr (E/3 GeV)−1/2 = 1700 yr (E/PeV)−1/2. Thus the
steady-state approximation roughly holds for protons in our
models until a PeV. The advective lifetime in our models,
63000 yr (c.f. eqn. 12) is long enough for∼ 30 supernovae to
go off in the HESS region, which would smooth out stochastic
effects at energies where advection dominates. Advective es-
cape also naturally produces the hard spectrum (Crocker et al.
2011b). We cannot rule out that diffusive escape is much
faster than we suppose, though. For primary electrons, the to-
tal≥ 10 TeV population of the entire region is not affected by
diffusive escape since the synchrotron lifetime alone at these
energies is tsynch = 120 yr (E/10 TeV)−1(B/100µG)−2 (eqn. 3),
faster than any possible escape process. However, the level of
primary CR electrons may vary over kyr timescales if the time
in which CR accelerators accelerate 10 - 100 TeV electrons is
shorter than ∼ 2200 years. Thus, there could be a stochastic
element in the synchrotron X-ray emission from the Galactic
Center region.
Another issue with these is that the Galactic Center is em-
bedded in a 420 pc wide radio halo, in turn embedded in the
Galaxy as a whole. It is therefore likely that our one-zone
approximations cannot capture the complex geometry of the
region. We generally expect the background sea of CRs from
the Galaxy to be only a minor part of the CR population in the
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R≤ 112 pc region. As Aharonian et al. (2006) noted, the TeV
detection indicates a CR energy density several times greater
than that of the Galaxy at large (∼ 1 eV cm3). Using their own
one-zone models of the same region, Crocker et al. (2011b)
also find that CR energy densities of 2.5−50 eV cm−3 are con-
sistent with the multiwavelength data, with the best-fit model
having UCR = 20 eV cm−3.
In the models presented here that are consistent with con-
straints, we find CR energy densities of 1.8 − 38 eV cm−3.
In all of these models, then, the Center-accelerated CR pop-
ulation is at least comparable, and often overwhelms any
background Galactic population. The models at the low end
of the range have small η (∼ 0.01 compared to the canon-
ical 0.1) and TeV luminosities that are relatively small. If
we restrict our attention to only those models that also have
0.05≤ η ≤ 0.2 (within a factor of 2 of the typically assumed
0.1), we find CR energy densities of 4.9 − 37 eV cm−3. Our
fiducial model has a CR energy density of 20 eV cm−3, just as
Crocker et al. (2011b) find.
Since we are interested in the high energy electron pop-
ulation, we also compare the energy density in CRs with
≥ 10 GeV. In the local Milky Way, this energy density is
just 6×10−4 eV cm−3 (see Adriani et al. 2011, and references
therein). In the models consistent with constraints, however,
the ≥ 10 GeV e± energy density is 0.016 − 0.10 eV cm−3,
with a value of 0.035 eV cm−3 in our fiducial model. These
high energy densities occur even in the face of the strong syn-
chrotron and IC losses that CRs experience, requiring a large
luminosity density of CR e± to sustain. We therefore con-
clude that the Galactic Center CR population is distinct from
that of the large-scale Galaxy.
The presence of the 420 pc radius radio halo which actu-
ally has a larger GHz synchrotron luminosity than the central
molecular zone may also pose a challenge for our use of one-
zone models. Crocker et al. (2011b) interpret this halo as be-
ing the emission from CR e± advected out of the smaller TeV-
emitting region within. In addition, Launhardt et al. (2002)
find this halo region emits an additional 2× 108 L⊙ of bolo-
metric luminosity, which translates to a star-formation rate
half that of the inner 112 pc. Multi-TeV e± generated in
the inner region do not live long enough to contribute to any
synchrotron X-ray luminosity from the radio halo. However,
GeV e± that can emit IC X-rays are likely present. To esti-
mate how big of a foreground IC X-rays from the radio halo
is, we find the ratio of 1.4 GHz radio surface brightnesses of
the halo region (|ℓ| ≤ 3◦, |b| ≤ 1◦) and the central molecu-
lar zone (|ℓ| < 0.8◦, |b| < 0.3◦) from Crocker et al. (2011b).
The central molecular zone has a 1.4 GHz surface brightness
that is ∼ 3 times that of the outer radio zone. Thus, while the
central molecular zone CR population dominates the observed
radio emission in that area of the sky, the radio halo also con-
tributes significantly. A multidimensional model of the region
is necessary to fully capture the CR transport in the region,
although for order-of-magnitude purposes our one-zone ap-
proach is sufficient.
4.2. NGC 253 Starburst Core
Introduction – NGC 253 contains one of the nearest star-
bursts (we adopt D = 3.5 Mpc; 1.′′= 17 pc) and one of the two
detected in both GeV (by Fermi-LAT; Abdo et al. 2010a) and
TeV γ-rays (by HESS; Acero et al. 2009). Previous modelling
of the nonthermal emission from NGC 253 has been done by
Paglione et al. (1996), Domingo-Santamaría & Torres (2005),
and Rephaeli et al. (2009), and the latter predictions are in
good agreement with the Fermi and HESS results. Unlike
the Galactic Center, the starburst core of NGC 253 lies on
the FIR-radio correlation and is γ-ray bright compared to the
Milky Way. NGC 253 has a large reservoir of gas in its cen-
ter; the estimated mass is (2 − 5)× 107 M⊙ from molecu-
lar lines (e.g., Mauersberger et al. 1996; Harrison et al. 1999;
Bradford et al. 2003; Sakamoto et al. 2011), corresponding
to central gas surface densities of 0.07 − 0.15 g cm−2. The
starburst appears as a disk with a diameter of 20.′′- 30
.′′ (340 - 510 pc) in radio continuum (Turner & Ho 1983;
Ulvestad & Antonucci 1997) and 15.′′- 30.′′ (250 - 510 pc)
in infrared and molecular lines (Peng et al. 1996; Ulvestad
2000; Sakamoto et al. 2011); we adopt a radius of 150
pc. The vertical extent of the radio disk is 8.′′ (136 pc)
(Ulvestad & Antonucci 1997), implying a maximum vertical
scale height of 68 pc. On the other hand, a cylindrical geome-
try for NGC 253’s radio disk, given an inclination of 78◦ and
a radio diameter of 340 pc, implies that∼ 71 pc of the vertical
extent is the projection of the diameter; the remainder implies
a scale height of only 33 pc. Due to the uncertainties in the ge-
ometry, we adopt a scale height of 50 pc (giving a gas density
of 190 cm−3). Finally, the total IR luminosity of NGC 253 is
4× 1010 L⊙ (Sanders et al. 2003), of which half comes from
the nuclear starburst (Melo et al. 2002). We therefore adopt a
starburst bolometric luminosity of 2× 1010 L⊙, which corre-
sponds to a low supernova rate of 0.025 yr−1, and a radiation
energy density 1200 eV cm−3, equal to that of a magnetic field
Brad = 220 µG.
NGC 253 has also been studied with Chandra and XMM-
Newton (e.g., Strickland et al. 2000; Weaver et al. 2002;
Strickland et al. 2002; Bauer et al. 2008), revealing the effects
of a starburst wind in soft X-rays and hard emission from
the galactic disk. XMM-Newton measured the diffuse (point
source subtracted) 2 - 10 keV luminosity from the optical disk
as 8.5×1038 ergs s−1 (Bauer et al. 2008). We adopt this as the
X-ray luminosity to compare against, although it includes the
regions outside the starburst; these outer regions host 30% of
the total star-formation rate (Melo et al. 2002).
Modelled Radio and γ-rays – The combination of radio,
GeV, and TeV constraints still leaves a large and complex
parameter space of models that work. Selected models are
shown in Table 3.
We show radio emission in a typical model in Figure 4. The
flat radio spectrum favors high GHz thermal fractions in our
models, with a span of ∼ 4 − 28% (fiducial: 21%) selected
by our criteria. As seen in Figure 4, there is evidence for
unaccounted spectral curvature in the residuals, and the high
thermal fraction overproduces the observed emission at 20 -
100 GHz. This implies that the synchrotron spectrum is actu-
ally flatter than predicted by our models at 1 GHz, and then
grows steeper at higher frequency, with a lower thermal frac-
tion. The flatter spectrum can arise from loss mechanisms
with a flatter energy dependence than synchrotron or IC, such
as bremsstrahlung, ionization, or advection losses. Enhancing
advection losses decreases the yield of secondary electrons,
but increasing the density (and bremsstrahlung and ioniza-
tion losses) increases the yield. Furthermore, more primaries
would be needed to account for the smaller fraction of elec-
tron power going into GHz synchrotron emission if there are
additional losses, so the results of such changes are complex.
Secondaries dominate the GHz synchrotron emission in mod-
els with high B, but in low to intermediate B, primaries domi-
nate.
The high energy emission from example models is shown
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FIG. 4.— Our predicted total radio spectrum for the starburst core of NGC
253 (red, solid) compared to observations compiled in Williams & Bower
(2010) (open circles). The line styles are the same as in Figure 2. The ra-
dio emission at high frequencies is overproduced by the large thermal com-
ponent, suggesting that the synchrotron spectrum is intrinsically flatter than
shown here and that escape, bremsstrahlung, or ionization are stronger and ξ
is higher in reality.
in Figure 5. The predicted GeV γ-ray emission changes from
being mainly leptonic at B = 50 µG to nearly all hadronic
at B = 150 µG. This implies that NGC 253’s starburst can-
not have a magnetic field much lower than 50 µG, or else
the leptonic γ-ray emission would exceed the observed val-
ues. Similarly, the magnetic field cannot be much higher than
150 µG, given our assumed density and radiation field, or else
the radio emission from the secondaries would be overpre-
dicted, and in fact no models with B ≥ 200 µG fit our crite-
ria. Similar values have been derived from previous modeling
of NGC 253’s starburst (Domingo-Santamaría & Torres 2005;
Rephaeli et al. 2009).
In B≥ 100 µG models, high η models are favored, and our
fiducial model has η = 0.40, three to four times higher than
the other starbursts. This is because the proton calorimetry
fraction is less than one half of the value for M82 in our fidu-
cial model, even though the γ-ray to bolometric luminosity
ratio is the same. The actual CR acceleration efficiency could
be ∼ 0.1 and still consistent with the γ-ray data if: (1) the
supernova rate in NGC 253’s core is higher than we assume
(and δ is the same as in our fiducial model), since only the
injection rate of CRs matter, (2) the gas density is higher than
we assume, increasing Fcal, or (3) advective losses are weaker,
again increasing Fcal (c.f. Lacki et al. 2011).
The HESS detection also constrains the proton and electron
populations at TeV energies. In low B leptonic models, the
primary electron spectrum cannot extend to γprimmax = 109 with
p = 2.0, or else the IC emission is overproduced. Even with
p = 2.2, the leptonic models are severely constrained and just
barely fit the TeV constraint (see Table 3). The high B sce-
narios allow a few p = 2.0 models, but only when diffusive
escape time is quick and the TeV/GeV ratio is still ∼ 3 times
higher than observed.
In our models, NGC 253 is not a true proton calorimeter be-
cause of its strong wind, but it is much more calorimetric than
the Milky Way. The calorimetry fraction obtained by inte-
grating the pionic products over all energies is Fcal ≈ 10−30%
(c.f., Lacki et al. 2011). However, energy-dependent diffusive
escape plays an increasing role at higher energies. Above 10
TeV, Fcal drops to ∼ 12% when tdiff(3 GeV) = 10 Myr and
∼ 2% when tdiff(3 GeV) = 1 Myr.
Synchrotron X-rays – The wide span of the parameter space
allowed by the data (Table 3) means the 10 - 100 TeV electron
population is not very well constrained, even with the HESS
detection. Thus, the synchrotron X-ray fraction of NGC
253’s diffuse X-ray emission ranges from 0.19% to 120%,
with a fiducial value of 8% (Lsynch2−10 = 7.2× 1037 ergs s−1 ≈
9× 10−7LTIR). For p = 2.2 models, the synchrotron fraction
is typically tens of percent in low B models with high γprimmax , a
few percent in high B models, and a few percent to less than
one percent in low B models with low γprimmax . Models with
large synchrotron fractions (& 1/3) overproduce the observed
TeV emission by a factor ∼ 2.
The spectral index of synchrotron emission is 2.28 ≤
Γ2−10 ≤ 2.42 for γprimmax = 106 and 2.00 ≤ Γ2−10 ≤ 2.29 for
γprimmax = 109.
Inverse Compton X-rays – The calculated IC X-ray emis-
sion in the 2 - 10 keV band varies because the magnetic
field in NGC 253’s starburst is unknown. The models with
B = 50 µG, 100 µG, and 150 µG have IC fractions of 7 − 19%,
2 − 4%, and 1.3 − 1.9%, respectively. The synchrotron-to-IC
ratio varies widely from 0.013 to 49 (fiducial: 2.8). Mod-
els with high γprimmax have higher synchrotron/IC ratios (see Ta-
ble 3). The IC emission is consistently much harder than the
synchrotron emission with 1.26≤ Γ2−10 ≤ 1.40.
Conclusion – The GeV and TeV detections of NGC 253’s
starburst inform our knowledge of the synchrotron X-ray
emitting e± population, but leave room for large variations.
While the synchrotron fraction of NGC 253 can be as low
as 0.2% or as high as 120%, in the fiducial model it is 8%.
A key uncertainty is the primary electron energy cutoff, be-
cause the e± population is dominated by primary electrons at
these energies. The IC emission is also a minority of the X-
ray emission, with the largest uncertainty being the unknown
magnetic field in NGC 253.
The higher resolution measurements of NGC 253 with
Chandra can help reduce the competing emission from other
sources. First, Chandra can resolve out more point sources
with its higher angular resolution. Second, the emission from
the outlying disk can be subtracted, leaving only the emis-
sion from the nuclear starburst proper. Chandra has revealed
that there is extended hard X-ray emission in the nuclear star-
burst of NGC 253, but little is known about it (Strickland et al.
2000; Weaver et al. 2002).
4.3. M82
Introduction – M82 (D = 3.6 Mpc; 1.′′= 17 pc) is also de-
tected in GeV and TeV γ-rays, with Fermi-LAT and VER-
ITAS respectively (Abdo et al. 2010a; Acciari et al. 2009).
de Cea del Pozo et al. (2009a) and Persic et al. (2008) pre-
viously modelled the nonthermal emission from M82, and
there is again good agreement with the observed fluxes
de Cea del Pozo et al. (2009b). M82 lies on the FIR-radio
correlation and is γ-ray bright with respect to the Milky Way.
Most of the star-formation is in the starburst in the center of
M82. Weiß et al. (2001) find a gas mass of 2.0× 108 M⊙ in
the inner 280 pc (for D = 3.6 Mpc), corresponding to a gas sur-
face density of 0.17 g cm−2, which we use here. The infrared
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FIG. 5.— The CR electron (left) and photon (right) spectra of NGC 253’s core for models with p = 2.2, tdiff(3 GeV) = 106 yr, and η = 0.40. On the left,
primary electrons are solid (γprimmax = 106) and long-dashed (γprimmax = 109), pionic secondaries are short-dashed (blue is e+, black is e−, and grey is total), knock-off
electrons are dotted, and pair-production tertiaries (using the γ-ray spectrum for γprimmax = 109) are dash-dotted. Note that pair production e± are comparable to
pionic secondary e± at 10 TeV. Blue and black shading denote the approximate e± energies that radiate in the 2 - 10 keV band through IC and synchrotron,
respectively. The vertical line indicates the approximate energy that radiates synchrotron at 1.4 GHz. On the right, synchrotron is red, bremsstrahlung is green,
IC is blue, pionic is violet, and black is total. The dotted lines are without γγ absorption (γprimmax = 106), while solid are γγ absorbed according to the sightline
observed from Earth (γprimmax = 106). Dashed lines show γγ absorbed luminosities in γprimmax = 109 models. Note that the B = 50 µG model with γprimmax = 109 is not
allowed by our constraints. Observed luminosities from from Fermi and HESS (triangles), as well as the diffuse emission from XMM-Newton (square) and total
emission from BeppoSAX (star; Cappi et al. 1999), are plotted. X-ray luminosities are scaled to one ln bin in energy assuming Γ = 2.0. The effects of neutral
hydrogen absorption are not shown on right.
emission of M82 is concentrated in a ring with radius 225
pc, and the gas peaks at a radius of 250 pc (see the compila-
tion in Table 4 of Goetz et al. 1990; see also Kennicutt 1998).
Williams & Bower (2010) find a radio extent for M82 of 35.′′
by 10.′′, corresponding to a radius of 300 pc and a scale height
of 90 pc. We therefore adopt 250 pc as the radius and 100
pc as the scale height of the modeled starburst region. Other
studies find radio scale heights of 50 - 200 pc (Klein et al.
1988; Seaquist et al. 1985). Values for the wind speed vary;
however, Greve (2004) find that the wind accelerates over a
200 pc scale height to 400 km s−1 and Westmoquette et al.
(2009) find Hα FWHM of 100 − 300 km s−1 in the inner
few hundred parsecs. The wind speed may asymptote to
& 1000 km s−1, but in the standard theory this happens out-
side most of the starburst; inside the starburst we expect wind
speeds near the sound speed (Chevalier & Clegg 1985), which
is∼ 200−300 km s−1 (Greve 2004). We therefore again adopt
an advection speed of 300 km s−1. The total IR luminosity of
M82 is 5.9×1010 L⊙ from Sanders et al. (2003), correspond-
ing to a supernova rate of 0.06 yr−1. This also implies a radia-
tion energy density 1300 eV cm−3, equal to that of a magnetic
field Brad = 230 µG.
The diffuse X-ray emission of M82 is well-studied. The
diffuse hard emission has a luminosity of 4.4× 1039 ergs s−1
and is spatially extended over a few hundred pc, with a scale
height estimated at h = 175 pc (Strickland & Heckman 2007).
The spectral slope of the diffuse hard X-ray emission is Γ ≈
2 − 3 and it is difficult to explain as thermal bremsstrahlung or
IC emission (Strickland & Heckman 2007).
Modelled Radio and γ-rays – The GHz synchrotron ra-
FIG. 6.— Our predicted synchrotron radio spectrum (red, solid) com-
pared to observations compiled in Williams & Bower (2010) (open circles)
and the unfit data in Klein et al. (1988) (Xs). The residuals indicate the syn-
chrotron spectrum is too steep at high frequencies, suggesting that escape,
bremsstrahlung, or ionization are stronger and ξ is higher in reality. The line
styles are the same as in Figure 2.
dio spectrum combined with the GeV and TeV γ-ray detec-
tions leaves us with the parameter space in Table 4. The
predicted synchrotron radio emission tends to be too large
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below a GHz (as shown in Figure 6); this may be due to
free-free absorption (Klein et al. 1988). Conversely, the syn-
chrotron radio spectrum falls off steeply at high frequencies,
with α ≈ 0.8 − 0.9 instead of the observed 0.7 (Klein et al.
1988; Williams & Bower 2010). In order to accommodate the
observed spectrum, our fitting requires higher 1 GHz ther-
mal fractions (8 - 21%; with a fiducial value of 15%) than
derived in Williams & Bower (2010) (6± 2%). These high
thermal fractions overproduce the observed total radio emis-
sion at 20 - 100 GHz. The underlying synchrotron spec-
trum is therefore probably flatter, which could occur with
higher bremsstrahlung, ionization, or escape losses. When
B ≥ 150 µG, the GeV e± spectrum is dominated by pionic
secondaries (short-dashed lines in left panel of Figure 7), and
the≥ 100 MeV emission is almost entirely pionic γ-rays (pur-
ple line in right panel of Figure 7). These models have low ξ,
and thus relatively little power going into primary electrons.
When B≤ 100 µG, however, the GeV e± spectrum is mostly
primary electrons (long-dashed line in Figure 7); these mod-
els usually have much higher ξ (δ˜ . 10 for p = 2.2) than the
Milky Way.
As with NGC 253, the GeV γ-ray emission is primarily lep-
tonic when B = 50 µG and hadronic when B = 150 − 200 µG.
The predicted GeV γ-ray flux is already at least 40% higher
than observed in the B = 50 µG models because of the strong
bremsstrahlung and IC emission; therefore, M82’s magnetic
field is probably greater than 50 µG. Indeed, most of these
models only work by either cutting off the primary e± spec-
trum so that the IC emission doesn’t greatly overproduce the
observed TeV emission, or by having very low η so there’s
virtually no pionic emission and all of the TeV emission is
leptonic. Thus, the TeV detection of M82 place constraints on
the high energy electron spectrum when B is low. Conversely,
B is unlikely to be much higher than 200 µG (if our assump-
tions about the gas density and radiation field are correct), or
else the secondary e± that accompany the pionic γ-rays pro-
duce too much radio emission. These values for B are in ac-
cord with previous modeling for M82’s starburst (Persic et al.
2008; de Cea del Pozo et al. 2009a). The efficiency of proton
acceleration can be small in the low B leptonic models, but
when B ≥ 100 µG and p = 2.2, η is of order 0.1, the usual
value assumed in models of star-forming galaxies.
In our models, M82 is slightly more proton calorimetric
than NGC 253, with Fcal ≈ 10 − 50 % integrated over all ener-
gies. At the energies above 10 TeV relevant for synchrotron
X-ray production, Fcal is only ∼ 11% when tdiff(3 GeV) =
10 Myr and ∼ 1% when tdiff(3 GeV) = 1 Myr.
Synchrotron X-rays – In Table 4, we list the predicted X-
ray synchrotron emission for a variety of model parameters.
Overall, the results are similar to those for NGC 253: the dif-
fuse synchrotron fraction varies from 0.4% to 54% but has a
fiducial value of ∼ 2% (Lsynch2−8 = 9.7×1037 ergs s−1; assuming
Γ≈ 2.0, Lsynch2−10 ≈ 5× 10−7LTIR). For p = 2.2 models, the syn-
chrotron fraction is typically ∼ 15% for low B models with
a high energy primary e± cutoff, 0.8 − 5% for high B mod-
els, and a fraction of 1% for low B models with a low energy
primary e± cutoff. Like NGC 253, most of the models at the
high end of the range of synchrotron fraction have TeV lumi-
nosities that are > 1.5 times higher than observed.
Interestingly enough, the spectral slope of synchrotron
emission in the 2-8 keV energy range (Γ ≈ 1.98 − 2.34) also
matches the observed diffuse hard X-ray emission (Γ≈ 2−3).
Inverse Compton X-rays – The IC fraction of the diffuse X-
ray emission is largest (4 - 10%) in the B = 50 µG models and
becomes smaller as B increases: 1.4 - 2.4% when B = 100 µG,
0.8 - 1.1% when B = 150 µG, 0.6% when B = 200 µG. This
confirms the expectation in Strickland & Heckman (2007)
that IC does not make up the observed diffuse hard X-ray
emission in M82. Because of the poorly constrained syn-
chrotron X-ray fraction, the synchrotron-to-IC ratio is any-
where between 0.05 and 36, with a fiducial value of 2.3. We
find that the IC emission has 1.23≤ Γ2−8 ≤ 1.36, significantly
harder than the observed spectral slope of the diffuse hard
emission in M82.
Conclusion – The synchrotron fraction of M82’s diffuse
hard X-ray emission is largely unknown, even with the GeV
and TeV detections, but is of order 2% in our fiducial model.
The unknown primary electron energy cutoff is one of the
largest contributors to the uncertainty. IC is a minority
(0.5 − 10%) of the diffuse hard X-ray emission, with its con-
tribution depending mainly on magnetic field strength. The
synchrotron-to-IC ratio in our models is ∼ 2 in our fiducial
model.
Unlike NGC 253, foreground hard X-ray emission from the
host galaxy has already been removed, and the extant stud-
ies with Chandra already take into account the bright point
sources. However, the diffuse hard X-ray emission has a dif-
ferent morphology than the radio and IR disks (and therefore,
the expected sources of CRs) with h ≈ 175 pc. Restricting
attention to the radio disk would help studies of the nonther-
mal contribution. Furthermore, the IC contribution might be
identified spectrally since it has a hard spectrum. Finally, the
models with the largest synchrotron X-ray contributions are
dominated by primaries; so large synchrotron fractions could
be tested by looking for concentrations of X-ray emission near
CR accelerators.
4.4. Arp 220
Introduction – Arp 220 consists of a starburst disk con-
taining most of the gas and possibly most of the star-
formation, and two intense but smaller starburst nuclei
(Downes & Solomon 1998). While there is radio data for
the individual starbursts, and the galaxy as a whole, there are
no flux values in the literature for the starburst disk specifi-
cally. We therefore consider the nuclear starbursts separately
and ignore the surrounding disk. We adopt D = 79.9 Mpc
from Sanders et al. (2003). The bolometric luminosity of
Arp 220 is 1.6× 1012 L⊙ (Sanders et al. 2003); if it is en-
tirely due to star-formation, this would imply a supernova
rate of 2 yr−1. Estimates of the bolometric luminosities of
the nuclear starbursts vary, but we adopt 3× 1011 L⊙ for
each, based off Downes & Solomon (1998) and consistent
with Sakamoto et al. (2008). These imply supernova rates of
0.34 yr−1 in each nucleus. We note that some authors argue
that the bolometric luminosity of Arp 220’s western starburst
is dominated by an AGN, based on its compactness, which
would reduce the IR luminosity attributable to star-formation
(Downes & Eckart 2007). On the other hand, the actual su-
pernova rates may in fact be up to near 3 yr−1 in the west-
ern starburst and 1 yr−1 in the eastern starburst, based on the
appearance of radio-bright supernovae (Lonsdale et al. 2006;
earlier, Rovilos et al. 2005 found 0.7 yr−1). According to
Lonsdale et al. (2006), the radio sources in Arp 220’s nuclear
starbursts are concentrated into regions ∼ 100 pc wide, and
the radio images of the nuclear starbursts indicate diameters
of 80 - 120 pc. Following Sakamoto et al. (1999), we assume
that the nuclear starbursts are small disks, each with radius
17
FIG. 7.— The CR electron (left) and photon (right) spectra of M82 for models with p = 2.2, tdiff(GeV) = 107 yr, and η = 0.1. The line and shading styles are the
same as Fig. 5. Synchrotron emission can dominate IC emission at energies less than a few keV in high B models. Data plotted on right are Fermi and VERITAS
(triangles), as well as the diffuse emission from Chandra (square) and total emission from BeppoSAX (Cappi et al. 1999), Suzaku (Miyawaki et al. 2009), and
Swift (Cusumano et al. 2010) (stars). X-ray luminosities are scaled to one ln bin in energy assuming Γ = 2.0.
and scale height 50 pc. The radiation energy density in each
nuclear starburst is then 1.6× 105 eV cm−3 (Brad = 2.5 mG).
The gas mass in each disk is∼ 109 M⊙ within a 100 pc radius
of each (Downes & Solomon 1998; Sakamoto et al. 1999), for
gas surface densities of 7 g cm−2. Given the uncertainties in
the gas mass and distribution, we use Σg = 10 g cm−2. The
magnetic field strength in Arp 220 is not known, but it is
very large. Estimates range from the minimum energy value
of 0.3 mG to 30 mG, the maximum allowed by hydrostatic
balance (Thompson et al. 2006). Torres (2004) found that
B ≈ mG in the main disk, but B ≈ 5 mG in the starburst nu-
clei. We run a grid of models in B for values of 0.25 mG to
16 mG for each nucleus.
Unlike the Galactic Center, NGC 253, and M82, Arp 220
has no γ-ray detection in either GeV or TeV bands. For a
∼ GeV upper limit, we use the ≥ 100 MeV flux limit for
5σ sources in the Fermi-LAT one year catalog (Abdo et al.
2010b). Albert et al. (2007) provide upper limits in the VHE
range for Arp 220 (specifically, an integrated photon flux from
0.36 to 1.8 TeV). To keep the parameter space manageable,
the CR proton acceleration efficiency η is assumed to be a
standard value of 0.1.
The X-ray emission of Arp 220 has been studied by Chan-
dra and XMM-Newton (Iwasawa et al. 2001; Clements et al.
2002; McDowell et al. 2003; Iwasawa et al. 2005). XMM-
Newton has detected a Fe K line, suggesting at least some
thermal emission (Iwasawa et al. 2005); but there is also a
hard X-ray continuum of unknown origin. There are sev-
eral diffuse components, including a nuclear source roughly
cospatial with the western nuclear starburst (Arp 220 X-1), a
“hard halo” with a radius of a few hundred parsecs, a circum-
nuclear halo extended on kiloparsec scales, and vast “plumes”
stretching out 10 kpc from the galactic center (Clements et al.
2002; McDowell et al. 2003). The central unresolved source
Arp 220 X-1 is approximately coincident with the western
nucleus, with an unabsorbed 2-10 keV luminosity estimated
FIG. 8.— Our predicted synchrotron radio spectrum (red, solid) compared
to observations compiled in Torres (2004). The open circles are for the west-
ern nucleus and the open squares are for the eastern nucleus. The line and
shading styles are the same as in Figure 2.
at 4× 1040 ergs s−1 (Clements et al. 2002). A second X-ray
source, Arp 220 X-4 (L2−10 ≈ 1.5× 1040 ergs s−1, after cor-
recting for absorption), is tentatively identified with the east-
ern nucleus, although the geometry does not exactly match
the radio morphology. For this paper, we assume that Arp
220 X-1 is the western starburst and Arp 220 X-4 is the east-
ern starburst; in Table 5, we list the (unabsorbed) 2 - 10 keV
synchrotron luminosities so they can be compared with other
values for the luminosity.
Modelled Radio and γ-rays – We show an example radio
spectrum for the western and eastern nuclei in Figure 8. Sec-
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ondaries dominate the GHz synchrotron emission for B ≥
4 mG, while primaries dominate for the lower magnetic field
strengths. As with M82 and NGC 253, the radio data for each
nucleus appears to be flatter than predicted in our models. The
discrepancy at ∼ 10 − 20 GHz becomes larger in low B mod-
els, since we are then probing the higher energy (more IC and
synchrotron cooled) parts of the e± spectrum. However, it
is possible that a thermal emission component flattens the ra-
dio spectra. The thermal dust contribution is expected to be
important only at 100 GHz and above (Downes & Solomon
1998; Torres 2004). Furthermore, the 15 GHz data points ap-
pear systematically high for both the west and east nuclei, and
are high even in the models of Torres (2004). As Torres (2004)
note, the radio data use different beam sizes at different fre-
quencies. Finally, it is possible that bremsstrahlung and ion-
ization are even stronger than expected. In order for advective
escape to be strong enough to flatten the spectrum, wind es-
cape times would have to be . 1000 yr (compare eqns. 5 and
12), requiring speeds of ≫ 104 km s−1, which is unlikely.
The non-detection of either nuclear starburst by Fermi al-
ready implies that B≥ 250 µG in each of them, otherwise the
leptonic emission alone would be observable. Note that we
applied the GeV constraint to each nucleus independently;
considering them together would push the lower limit on B
towards ∼ 500 µG. With more data, Fermi will be able to
constrain the leptonic γ-ray emission further and increase the
lower limit on B. Furthermore, note that in the B = 500 µG
and B = 1 mG models, we require that more power goes into
CR electrons than protons. This is unlikely, considering that
the reverse situation holds for the Milky Way.
In all of our models, the nuclear starbursts of Arp 220 are
proton calorimeters, with Fcal = 0.84 − 0.98. Even at energies
above 10 TeV, where diffusion is strongest, Fcal ≈ 0.6 when
tdiff(3 GeV) = 1 Myr.
Synchrotron X-rays – In the extremely dense gas of Arp
220, the CR protons at 10 - 100 TeV are efficiently converted
into pionic products, including secondary e± and γ-rays. In
turn, the extreme FIR radiation field converts 10 - 100 TeV γ-
rays into pair e±. Finally, the secondary and tertiary e± emit
prodigious synchrotron X-rays. Models with p≈ 2.0 and slow
diffusive escape can explain most of the observed X-ray emis-
sion from the nuclei as synchrotron. Without any significant
TeV γ-ray constraints on p, we cannot rule out these mod-
els: it is possible that all of the hard X-ray emission from Arp
220 is synchrotron (though, see the later caveats about X-ray
absorption).
For p = 2.2, the allowed synchrotron fractions are 0.9−42%
(fiducial: 15%) for the western starburst and 2−84% (fiducial:
34%) for the eastern starburst. In high B models (∼ 4 mG)
with p = 2.2, the synchrotron fraction is ∼ 10% for the west-
ern starburst and ∼ 30% for the eastern starburst, consistent
with previous expectations that HMXBs dominate the hard
X-ray emission of starbursts. However, synchrotron is not so
minor that it can be ignored, especially considering the uncer-
tainties. Lower B models have a larger synchrotron fraction if
γ
prim
max = 109 and a smaller fraction if γprimmax = 106. At still higher
p = 2.4, synchrotron X-ray emission is reduced to a few per-
cent of the observed diffuse X-ray flux in each starburst.
We find that X-ray synchrotron emission in Arp 220’s nu-
clear starburst is harder than in the other starbursts, with
Γ2−10 ≈ 1.84 − 2.23. The hardest synchrotron spectra arise in
low B models, where the Klein-Nishina bump is very promi-
nent. With B greater than in M82 and NGC 253, lower elec-
tron energies are being probed (grey shading in left panel of
Figure 9), where the cutoff in the proton spectra does not mat-
ter as much. To compare, the spectral slope of the diffuse
hard X-ray emission in Arp 220 is not well constrained ob-
servationally, but is probably harder than synchrotron emis-
sion: Clements et al. (2002) measured Γ = 1.4± 1, while
Iwasawa et al. (2001) measured Γ = 1.7 for the total X-ray
emission of Arp 220, and Iwasawa et al. (2005) measured
Γ = 1.2+0.4
−0.7, though for a Galactic absorption column.
Inverse Compton X-rays – The contribution of Inverse
Compton emission depends on the magnetic field strength.
The contributions are highest in the low B models: for B =
500 µG, IC is 1.6 - 2.8 times the unabsorbed 2 - 10 keV lumi-
nosities in the western starburst and 3.1 - 5.7 times the eastern
starburst’s luminosity. However, the actual X-ray absorption
is uncertain, so these cannot be said to constrain the magnetic
field with any certainty. At the other extreme of B = 4 mG, IC
makes up ∼ 6 − 7% (western) and 12 − 14% (eastern) of the
unabsorbed 2 - 10 keV luminosity. Thus, IC emission in our
models can be much more inefficient than usually expected
(c.f. Iwasawa et al. 2001). This is because B is allowed to be
much higher than the usual minimum-energy estimate; with
the higher magnetic field strengths, IC is much weaker when
scaling from the synchrotron radio emission.
The synchrotron luminosity can be anywhere from 0.05%
to 57 times the IC emission in Arp 220’s western nucleus and
0.06% to 35 times the IC emission in Arp 220’s eastern nu-
cleus, an even greater range than in the other starbursts be-
cause p is not yet constrained by TeV γ-ray observations.
Restricting ourselves to p = 2.2 models narrows the range
(0.4 − 240% for the western nucleus; 0.6 − 280% for the east-
ern nucleus), with fiducial values for the synchrotron-to-IC
ratio of 2.3 for the western nucleus and 2.7 for the eastern
nucleus.
Like the other starbursts, IC emission is predicted to be
harder than synchrotron emission, with Γ2−10 ≈ 1.30 − 1.69,
which is a closer match to the observed X-ray emission. It
is possible, then, that Arp 220 has low magnetic fields of less
than a milliGauss and its X-ray emission is IC emission. How-
ever, both HMXBs and thermal emission are also expected to
have the same spectral shape and dominate the X-ray spec-
trum (Persic & Rephaeli 2002; Iwasawa et al. 2005).
Conclusion – Arp 220 is extremely efficient at converting
VHE CR proton energy into synchrotron X-rays. Without
the TeV γ-ray detections that exist for the Galactic Center,
NGC 253, and M82, we cannot rule out hard spectra extend-
ing to very high energies. Therefore, it is entirely possible to
generate or even exceed the observed absorption-corrected X-
ray luminosities of Arp 220 X-1 and Arp 220 X-4 (assumed
to be the western and eastern nucleus, respectively). There-
fore, if the unabsorbed luminosities are correct, we can con-
strain p = 2.0 electron spectra extending to multi-TeV ener-
gies based on the X-rays alone. Even in p = 2.2 models, syn-
chrotron can easily be ∼ 10% or more of the X-ray luminosi-
ties of each starburst.
A large uncertainty in our models of Arp 220 is the amount
of hydrogen absorption. A surface density of 10 g cm−2 im-
plies NH ≈ 6× 1024 cm−2, which is Compton thick. If this
is correct, then the true X-ray luminosity of Arp 220 may be
much higher. By contrast, the X-ray emission indicates hydro-
gen column depths of NH ≈ 3× 1022cm−2 (Σg = 0.05 g cm−2;
Clements et al. 2002). It is possible, however, that CR e±
emitting synchrotron X-rays are not cospatial with the nuclear
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FIG. 9.— The CR electron (left) and photon (right) spectra of Arp 220 for models with p = 2.2 and tdiff(3 GeV) = 107 yr. The line styles and colors are the
same as in Figure 5. The effects of neutral hydrogen absorption are not shown on right. Observed absorption-corrected luminosities from Chandra are plotted,
scaled to one ln bin in energy assuming Γ = 2.0. Synchrotron emission dominates IC emission at energies less than ∼ 10 keV in high B models.
starbursts themselves, either instead diffusing out of the nuclei
(though this is unlikely given the extremely rapid losses in the
extreme environments; Völk 1989; Condon et al. 1991) or are
pair-produced from γ-rays outside the nuclei, in which case
hydrogen absorption may be relatively small. It is also pos-
sible that the covering fraction of the hydrogen is less than
unity, in which case, some X-ray emission will be able to
escape. Hydrogen absorption will also affect other explana-
tions of the diffuse X-ray flux in Arp 220, such as IC emis-
sion and high-mass X-ray binaries. Indeed, it might explain
why Arp 220 seems underluminous in hard X-rays for its star-
formation rate, as noted by Iwasawa et al. (2005) and sup-
ported by Lehmer et al. (2010).
5. DISCUSSION
5.1. Synchrotron, the FIR-X-ray Correlation, and
Submillimeter Galaxies
Star-forming galaxies show a correlation between their FIR
luminosities and their 2 - 10 keV X-ray luminosities, with
L2−10 ≈ 10−4LFIR when AGNs do not contribute to the X-ray
emission (David et al. 1992; Grimm et al. 2003; Persic et al.
2004; Persic & Rephaeli 2007; Lehmer et al. 2010). The
correlation holds better for the most intense starbursts like
ULIRGs, where there is less infrared and X-ray emission
from older stellar populations (Persic & Rephaeli 2007). X-
ray luminosity has often been used as a star-formation rate
indicator (Ranalli et al. 2003; Grimm et al. 2003; Persic et al.
2004). The X-ray luminosity is often attributed to HMXBs,
compact objects accreting matter from a massive companion.
HMXBs are expected to trace the recent stellar population. Is
it possible that synchrotron accounts for much of the X-ray
luminosity in some galaxies?
Our models show a trend, with increasing synchrotron X-
ray emission with increasing gas density: synchrotron is a tiny
fraction of the Galactic Center’s X-ray luminosity if primaries
cut off at low energies, a small portion of M82’s diffuse hard
X-ray luminosity, and possibly a substantial fraction of Arp
220’s hard X-ray luminosity. Three basic quantities affect the
luminosity from secondary and pair e±: (1) the amount of gas,
which CR protons collide with to create pionic secondaries;
(2) the amount of star-formation, which creates IR photons
that pair produce off VHE γ-rays, and which is generally cor-
related with the amount of gas through the Schmidt Law; and
(3) the physical size of the starburst.
At the extreme end of synchrotron X-ray luminosity from
secondary and pair e±, it is worth considering the diffuse syn-
chrotron emission from submillimeter galaxies (SMGs), well-
studied extreme starbursts at high redshift (z& 2). SMGs con-
tain large amounts of gas, so they should be relatively effi-
cient at converting energy in CR protons into γ-rays and sec-
ondary e±. Furthermore, they are much more extended spa-
tially than the more compact starbursts observed at low red-
shift (Chapman et al. 2004; Tacconi et al. 2006; Genzel et al.
2008; Law et al. 2009; Younger et al. 2010). This means that
both diffusive and advective escape will be less effective at
transporting CR protons out of SMGs, simply because they
have to travel farther, further supporting the case for pro-
ton calorimetry at multi-TeV energies (Lacki & Thompson
2010). Finally, the radiation energy density in SMGs is very
high, and because the SMGs are “puffy” with long sightlines
through them, the optical depth to VHE γ-rays will be high.
Therefore, we may expect that SMGs, like Arp 220, will be
very efficient at converting energy in VHE CR protons into
synchrotron X-ray emission with LsynchX > 10−6LSF. We can
evaluate how good SMGs are at creating secondaries with the
estimates in § 2.1.2. Tacconi et al. (2006) find that SMGs have
typical gas surface densities ofΣg ≈ 0.4 g cm−2. Using a typi-
cal midplane-to-edge scale height h of 1 kpc, we find densities
of 〈n〉 ≈ 40 cm−3, comparable to those found by Tacconi et al.
(2006). From eqn. 11, the typical pionic loss time in SMGs
is tpion ≈ 1.3 Myr. Eqn. 12 gives us advective loss times
of twind ≈ 3.0 Myr (h/kpc)(vwind/300 km s−1)−1. The ratio
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of these times suggests that SMGs are proton calorimeters,
depending on the unknown diffusive escape time and to a
lesser extent on wind speeds (though they would have to be
& 700 km s−1 to reduce Fcal significantly).
To study this effect, we modeled generic galaxies of
several gas surface densities from Σg = 0.01 g cm−2 to
30 g cm−2. The magnetic fields were chosen to scale as B =
6 µG(Σg/0.0025 g cm−2)0.7, in line with our previous work
on the radio emission of star-forming galaxies (Lacki et al.
2010). The star-formation rate was calculated using the
Schmidt law in Kennicutt (1998). The interstellar radiation
field was taken to consist of the CMB, a T = 10000 K grey-
body field corresponding to the unobscured starlight from
young stars, and a greybody corresponding to dust-obscured
starlight (40 K in the compact starbursts and 30 K in the puffy
starbursts). Scale heights of h = 100 pc and 1000 pc were
modeled. We chose η = 0.1 and varied ξ from 0.003 to 0.03;
several values of tdiff(3 GeV) and γprimmax were tried.
Our models give the ratio of both synchrotron and IC emis-
sion to the bolometric power from star-formation at 2-10
keV, and these are plotted in Figure 10. Both components
are always a minority of the standard hard X-ray luminos-
ity, 10−4LSF, from the FIR-X-ray correlation. Both the syn-
chrotron and IC fraction increase with Σg. IC shows less
variation in its flux, since it mostly comes from the relatively
well-constrained low energy CR electron spectrum, although
LIC2−10 still varies by a factor of 3 − 35 for a given Σg when
h = 100 pc (5 − 180 for h = 1000 pc). At the highestΣg, the IC
emission is 2% or less of the typical 2 − 10 keV luminosity for
h = 100 pc (6% or less when h = 1000 pc), falling to . 0.1%
for Σg = 0.01 g cm−2 (blue shading).
Synchrotron X-ray emission shows a much greater vari-
ation with different parameters (see grey shading), ranging
from . 0.1% (assuming p = 2.4 or that Σg is small) to 24% of
the 2 - 10 keV luminosity of typical starbursts. Models with
high γprimmax are much more efficient synchrotron radiators at
low Σg. At high Σg, however, the synchrotron fraction starts
to converge, as CR proton energy is efficiently converted to
pions and γ-ray photons are efficiently converted to e± pairs.
For our fiducial values of p = 2.2 and tdiff(3 GeV) = 10 Myr,
Lsynch2−10 approaches 4% of the total 2-10 keV luminosity in the
densest starbursts when h = 100 pc (3% when h = 1000 pc).
Synchrotron dominates IC for our standard parameters when
Σg & 0.1 g cm−2 and h = 100 pc, which are typical of com-
pact starbursts. Thus, we do not expect synchrotron emission
to usually cause large deviations in the X-ray luminosity, al-
though it is present, and at greater levels than IC.
As with the more compact starburst models, the syn-
chrotron fraction of 2-10 keV emission of the puffy starburst
models varies over many orders of magnitude with param-
eters. For our fiducial tdiff(3 GeV) = 10 Myr from compact
starbursts, we actually find that the synchrotron fraction is de-
creased in puffy starbursts when γprimmax is small. This is be-
cause the diffusive escape time is the same, while the density
is 10 times lower at a givenΣg; the lower pionic yield reduces
the amount of secondary e± and the pionic γ-rays that seed
pair e±. However, for a given diffusion constant, diffusion out
of the larger SMGs takes longer. Setting tdiff(3 GeV) to 100
Myr restores the synchrotron fraction to near its compact star-
burst value. Comparing models with tdiff(3 GeV) = 100 Myr
for h = 1000 pc and tdiff(3 GeV) = 10 Myr for h = 100 pc, and
γprimmax = 106, there is a ∼ 50% enhancement in the synchrotron
FIG. 10.— Fraction of the bolometric flux from star-formation LSF in 2 -
10 keV synchrotron (black/grey) and IC (blue) emission. On the bottom, we
show h = 100 pc; the top shows h = 1000 pc, as is the case for SMGs. The
lines indicate p = 2.2, ξ = 0.01, and tdiff(3 GeV) = 10 Myr for compact star-
bursts and tdiff(3 GeV) = 100 Myr for puffy starbursts. Solid is γprimmax = 106,
while dashed is γprimmax = 109. Shading indicates possible values for other val-
ues of those parameters. For a typical star-formation hard X-ray luminosity
L2−10 = 10−4LSF, synchrotron and IC are subdominant; for optimistic choices
of parameters, synchrotron can be 10−5LSF. The circles represent the diffuse
X-ray emission for the studied starbursts, while the stars represent the total
(point sources included) X-ray emission that would be seen at large distances
(from the Cappi et al. 1999 fluxes for M82 and NGC 253, scaled to our dis-
tances; from McDowell et al. 2003 for Arp 220).
emission for Σg = 0.03 − 0.3 g cm−2, because the γγ optical
depth is greater along the long sightlines in puffy starbursts.
Given the uncertainties in the parameters and the small contri-
bution of synchrotron at these energies, this is not a big effect.
An interesting effect that occurs in our h = 1000 pc mod-
els is that the IC fraction actually increases. Unlike the e± at
multi-TeV energies, the e± responsible for 2-10 keV IC emis-
sion are relatively low energy (∼ 100 MeV − 1 GeV, emitting
synchrotron at ∼ GHz frequencies). In compact starbursts,
these e± are cooled significantly by bremsstrahlung and ion-
ization losses, suppressing their IC emission. In puffy star-
bursts with the same Σg, however, the gas volume density is
lower, so that bremsstrahlung and ionization losses are not as
important. This means that there is more power to go into
IC (and possibly synchrotron) losses at these energies, en-
hancing the X-ray IC (and possibly GHz synchrotron) emis-
sion in puffy starbursts relative to compact starbursts (see also
Lacki & Thompson 2010).
In fact, intense starbursts like SMGs, have relatively weak
X-ray emission compared to other starbursts, if they lack an
AGN, with LX ≈ 10−4LSF (Alexander et al. 2005). This sug-
gests that diffuse synchrotron accounts for a few percent of
the total hard X-ray emission from SMGs, and not just the
diffuse hard X-ray emission.
5.2. What Neutrinos and TeV γ-rays Can Tell Us
There are many uncertainties in our models, leading to a
broad range in the synchrotron X-ray luminosities. These in-
clude the hardness of the e± spectrum, the strength of B which
sets the importance of secondary e±, and the efficiency of
pionic losses at multi-TeV energies. The synchrotron X-ray
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FIG. 11.— The all-flavor neutrino (plus antineutrino) spectrum of M82 in
various models with η = 0.10. Grey is p = 2.0 and black is p = 2.2; solid is
tdiff(3 GeV) = 1 Myr, dashed is 10 Myr, and dotted is 100 Myr. The neutrino
emission directly scales with η.
emission is enhanced significantly in starbursts where pionic
secondary e± and pair production e± are produced at a high
rate, especially if p ≈ 2.0. A necessary byproduct of pionic
e± and γ-rays is pionic neutrinos. Starbursts that are bright in
neutrinos should therefore be relatively bright in synchrotron
X-rays. Of course, the converse is not necessarily true if
the synchrotron X-ray luminosity comes largely from primary
e±. TeV γ-rays are also generated by both high energy pro-
tons and electrons in the intense environments of starbursts.
While ∼ 10 − 100 TeV γ-rays are heavily absorbed by pair-
production, there is a window at lower energies below a few
TeV (see Figure 1). Indeed, TeV γ-rays are the most powerful
constraint yet on synchrotron X-ray emission from NGC 253
and M82.
M82 is in the Northern hemisphere and visible to IceCube.
In Figure 11, we see that the predicted neutrino spectrum of
M82 varies widely between different models. Models with
low p and high tdiff naturally predict that M82 is very bright in
VHE neutrinos: the more protons at high energies, the more
neutrinos are produced. The magnetic field strength B is also
linked to the neutrino flux through the radio and γ-ray ob-
servations. In models with high B, the observed radio flux
is mostly secondary e±, and the accompanying pionic γ rays
make up almost all of the detected GeV to TeV γ rays (as seen
in Figure 7). The γ-ray flux therefore translates into a high
neutrino flux. However, in models with low B, the observed
radio flux is mostly primary e±, and leptonic emission makes
up a majority of the GeV (and possibly TeV) γ-ray flux. In
order not to overproduce the γ-rays, the CR protons must be
less efficiently accelerated, in turn implying lower neutrino
flux.
The muon neutrino flux of M82 at 10 TeV is anywhere be-
tween 10−14 and 10−12 TeV cm−2 s−1 for p = 2.0 − 2.2. Un-
fortunately, M82 is at high declination (sinδ ≈ 0.93), where
IceCube’s sensitivity is relatively weak (Abbasi et al. 2009a).
Even with a full year of IceCube-80, our most optimistic mod-
els predict that M82 is ∼ 5 times too faint to be observed.
NGC 253 would be even fainter, and since it is located in the
FIG. 12.— The Earth-observed pair production absorbed VHE γ-ray spec-
trum of Arp 220 in various models, for γprimmax = 106 (black for p = 2.2 and grey
for p = 2.0) and γprimmax = 109 (dark blue for p = 2.2 and light blue for p = 2.0).
The line styles are the same as in Fig. 11.
Southern Hemisphere sky (sinδ ≈ −0.43), the available ex-
isting neutrino detectors are far less sensitive (Abbasi et al.
2009b; Coyle 2010; Abbasi et al. 2011). However, the dif-
fuse neutrino background from starbursts may be detectable
by IceCube, which may shed some light on the CR spectrum
at high energy (Loeb & Waxman 2006). Stacking searches of
nearby, bright starbursts may also lead to a detectable signal
(Lacki et al. 2011).
Arp 220 is much fainter from Earth than M82, far beyond
the reach of neutrino detectors like IceCube, but currently
has no TeV γ-ray detection (the current upper limit is set by
MAGIC in Albert et al. 2007). Thus, high p is allowed by
the data. Just as TeV γ-rays constrained M82, TeV γ-rays
can constrain the fraction of Arp 220’s X-ray emission that
comes from synchrotron. In Figure 12, we show the predicted
VHE γ-ray flux of Arp 220’s western and eastern nuclear star-
bursts in several models compared to the expected 5σ sensitiv-
ity of VERITAS and Cherenkov Telescope Array (CTA) after
50 hours of integration time (Doro 2009).
VERITAS will not be able to detect Arp 220 at 5 σ ex-
cept in our most optimistic models with high γprimmax , low B,
and p = 2.0 (Figure 12, lower panel). However, if B is low,
the proposed CTA will be able to detect Arp 220 except in
more pessimistic models with p = 2.2 and small γprimmax . If B
is high, even CTA will have trouble detecting Arp 220’s nu-
clear starbursts (Figure 12, upper panel), especially if p = 2.2.
We note, though, that our fiducial supernova rate for both of
these starbursts (0.7 yr−1) is about one-third of that expected if
the entire TIR luminosity of Arp 220 is due to star-formation
(expected supernova rate of 2 yr−1). Thus, the total TeV lu-
minosity of Arp 220 may be ∼ 3 times larger, in which case
CTA will be able to detect it even in high B cases. Both the
synchrotron X-ray flux and the TeV γ-ray flux are insensitive
to the diffusive escape time: the protons are being efficiently
trapped and creating secondaries at TeV energies. The effects
of pair production absorption are clearly visible in Figure 12:
the γ-ray flux should plummet at energies higher than a TeV,
an effect first predicted for Arp 220 by Torres (2004).
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6. CONCLUSION
Starbursts are luminous in hard X-rays and accelerate large
amounts of CRs. We have explored whether CR e± in star-
bursts could generate the observed diffuse hard X-ray emis-
sion through synchrotron emission. The strength of this emis-
sion depends on the very poorly constrained 10 - 100 TeV CR
e± spectrum in starburst galaxies. Using one-zone models to
predict this emission, we also reconsider the previously sug-
gested contribution from IC emission of 0.1 - 1 GeV CR e±,
in light of the magnetic field strengths expected in starburst
galaxies. Our conclusions are as follows:
• We have considered the energetics for synchrotron X-
ray emission in section 2 with simple order of mag-
nitude estimates. The diffuse hard X-ray emission of
M82 could be synchrotron if CR escape is not important
at PeV energies and the CR spectrum is hard enough
(p≈ 2.0). Much of this emission would come from the
previously neglected pair-production e±, which are ef-
ficiently generated from pionic γ-rays in the intense IR
bright environments of starbursts.
• We have also constructed one-zone models of several
starbursts with standard spectra to compare with obser-
vations in radio and γ-rays. The magnetic field strength
in these models is limited at the low end by constraints
on leptonic γ-ray emission and at the high end by con-
straints on radio emission from secondary e±. For
the physical conditions we assume (listed in Table 1),
these limits are 50 µG . B . 150 µG in NGC 253,
50 . B . 200 µG in M82, and 0.5 mG . B . 4 mG
for Arp 220’s nuclei. In low B models there is a large
component of primary electrons, while in high B mod-
els the secondary e± dominate at GeV energies in M82
and Arp 220’s nuclei.
• The existing γ-ray data of the modelled starbursts rules
out most p = 2.0 models, and we find that the syn-
chrotron emission is probably a minority of the hard
X-ray emission in the Galactic Center, NGC 253, and
M82 with our assumptions. Nonetheless, there is still
enough variation in the parameters for synchrotron to
make up from less than one to several tens of percent
of the synchrotron emission. The synchrotron X-ray
emission is highest in low B models with large γprimmax ,
lower in high B models, and lowest in low B models
with small γprimmax . In our fiducial models (with high
B and large γprimmax ), the fraction of unresolved hard X-
ray emission contributed by synchrotron is 6% in the
Galactic Center, 9% in NGC 253, 2% in M82, 15% in
Arp 220’s western nucleus (Arp 220 X-1), and 34% in
Arp 220’s eastern nucleus (Arp 220 X-4). These re-
sults are consistent with previous predictions that X-ray
binaries contribute most of the X-ray emission in star-
burst galaxies at a few keV (Persic & Rephaeli 2002;
Persic et al. 2004). We find that the 2 - 10 keV X-ray
synchrotron emission is 10−7 − 10−6LIR in these fiducial
models; in models of generic star-forming galaxies it
peaks at ∼ 4× 10−6LIR for p = 2.2.12
• Pair production is predicted to contribute significantly
to the high energy e± population in NGC 253, M82, and
12 For comparison, according to the observed FIR-radio correlation, the
GHz radio luminosity is ∼ 10−6LIR (Yun et al. 2001).
Arp 220, with pair e± comparable to the pionic e±. The
huge densities of IR starlight photons efficiently con-
vert ∼ 10 − 100 TeV γ-rays into e± pairs. These pairs
then can efficiently radiate X-ray synchrotron. How-
ever, the actual density of pair e± is directly related to
γ-ray emissivity at very high energies, which in turn de-
pends strongly on the number and escape times of CR
protons at these energies. The Galactic Center region is
transparent to VHE γ-rays, so that pair e± are negligi-
ble.
• We find that Inverse Compton emission in the 2 - 10
keV band is also a minority of the X-ray emission. In
our models, the magnetic field energy density can be
greater than some of the values derived with the mini-
mum energy estimate. This means the IC emission ex-
pected by scaling the GHz radio emission is lower than
in previous estimates. In our fiducial models, the frac-
tion of unresolved X-ray emission contributed by IC is
0.1% in the Galactic Center, 3% in NGC 253, 1% in
M82, and ∼ 10% in Arp 220’s nuclei. The IC emis-
sion at 2 - 10 keV is much harder (Γ2−10 = 1.2 − 1.7)
than the synchrotron emission at the same energies
(Γ2−10 = 1.8 − 2.5).
• Key uncertainties include the maximum energy of pri-
mary electrons (γprimmax ), the rate of escape of CR protons
at high energies (tdiff), and the spectral slope of CRs
(p). However, some of these quantities might be con-
strained by future neutrino telescopes, which can de-
termine the pionic luminosities of starbursts at TeV to
PeV energies. Future TeV γ-ray telescopes like CTA
can constrain the electron spectrum at high energies as
well, especially in Arp 220 which has relatively weak
TeV upper limits. The effects of hydrogen absorption in
dense starbursts also need to be explored, although this
applies to IC emission and other sources of the X-ray
flux, not just synchrotron.
The large X-ray foregrounds from HMXBs and other
sources makes detection of the synchrotron X-rays difficult.
However, if the synchrotron emission can be detected, it will
have important implications for our understanding of CRs in
starbursts. Very little is known about the CR population at
very high energies in starbursts, such as what the escape rate
is or whether there is a “knee” in the CR spectrum as there is
in the Milky Way. Combined with upcoming neutrino mea-
surements, detection of synchrotron X-rays can extend our
understanding from the directly observed TeV energies.
Even in the Milky Way, we know relatively little
about the CR electron population at multi-TeV energies
(Kistler & Yüksel 2009), and the propagation of electrons
at 100 GeV − TeV energies is still poorly understood
(Chang et al. 2008; Adriani et al. 2009; Abdo et al. 2009;
Aharonian et al. 2009a). It is possible that we are underes-
timating the primary population significantly. We assumed
that the primary CR electron injection spectrum is a power
law extending to TeV-PeV energies, with one source such as
supernova remnants dominating the primary electron spec-
trum. An additional hard primary component (from PWNe,
for example) on top of a softer component that explains the ra-
dio synchrotron emission would increase the synchrotron X-
ray emission. However, a second component such as PWNe
would have to be very hard (p . 2.0) to enhance the X-ray
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flux significantly; otherwise IC emission from the low energy
e± may exceed the observed γ-rays.
If a significant fraction of the hard X-ray emission from
starbursts is synchrotron, it may be polarized. Although the
radio synchrotron emission of M82’s halo is strongly po-
larized, the starburst core itself has very little polarization
(Reuter et al. 1994). This may be because of Faraday depolar-
ization, in which the back of the starburst is strongly Faraday
rotated with respect to the front. Faraday depolarization, how-
ever, will be completely unimportant at X-ray frequencies.
The low polarization could also arise if the magnetic field was
turbulent and isotropic on small scales, in which case the X-
ray emission will also be unpolarized. However, even turbu-
lent magnetic fields can be made anisotropic through shear
and compression (e.g., Laing 1980; Sokoloff et al. 1998).
Furthermore, there is observational evidence of anisotropic
magnetic fields in M82 from submillimeter and infrared po-
larization measurements (Greaves et al. 2000; Jones 2000).
Siebenmorgen & Efstathiou (2001) and Seiffert et al. (2007)
found that Arp 220 has a low infrared and submillimeter po-
larization, though their source apertures blend the two nu-
clear starbursts and the outlying starburst disk together. In
any case, the diffuse hard X-ray emission of M82 only has
a flux of ∼ 0.1 − 0.2 milliCrab (Strickland & Heckman 2007;
Kirsch et al. 2005). Even with an instrument as sensitive as
the now defunct Gravity and Extreme Magnetism Small Ex-
plorer (GEMS; Swank et al. 2009), its polarization could only
be detected if it was of order unity.
It is tempting to consider even higher energy synchrotron
emission, in the 10 keV - MeV band, to directly probe 30 TeV
- PeV e±. Presently, there are only relatively weak upper lim-
its (and a claimed detection of NGC 253) of this emission of
nearby starbursts and ULIRGs from the OSSE instrument on
the Compton Gamma-Ray Observatory (Bhattacharya et al.
1994; Dermer et al. 1997), and a recent detection of M82 by
Swift-BAT (Cusumano et al. 2010). With its much greater
sensitivity in the 10 - 80 keV range over previous tele-
scopes, NuSTAR can improve this situation (Harrison et al.
2005, 2010). However, above ∼ 10 keV, we generally ex-
pect the very hard IC emission to finally bury the softer syn-
chrotron emission, even if the CR electron spectrum does ex-
tend to multi-PeV energies (compare the synchrotron and IC
emission in M82 in Figure 7, right panel). Furthermore, the
angular resolution of NuSTAR is 40", corresponding to 750 pc
at the distance of M82, so point sources may contaminate
the emission (Harrison et al. 2005, 2010). On the other hand,
even a measurement of the IC emission itself could be useful
in constraining the magnetic field strength. The synchrotron
luminosity may remain within a factor of ∼ 2 of the IC until
MeV energies in strong starbursts like Arp 220, if they have
very strong magnetic fields (B & mG; as seen in Figure 9). 13
Even if the IC and point source emission was not a signifi-
cant foreground, ultimately the synchrotron will be buried by
bremsstrahlung and finally direct pionic γ-ray emission above
10 MeV. Since there is more power in lower energy protons
than VHE protons, the synchrotron emission cannot exceed
the pionic emission at higher energies. Thus, synchrotron can-
not be used to probe the CR e± spectrum above about a PeV,
unless an enormous new component of primaries is present.
While we have considered mainly γ-rays from star-
formation, γ-rays in starburst environments can come from
other sources: most notably, an AGN. In particular, Sgr A⋆
in our own Galaxy is known to be a source of VHE γ-
rays (Aharonian et al. 2004). It resides in the Central Clus-
ter, a dense star cluster with a FIR energy density of ∼
6000 eV cm−3 over a region∼ 2 pc in diameter (Telesco et al.
1996; see also Davidson et al. 1992; Hopkins et al. 2010). In-
terestingly, the VHE emission appears to have an exponen-
tial cutoff at 15 TeV (Aharonian et al. 2009b), similar to the
Klein-Nishina threshold for pair production on the FIR light
of a starburst. Diffuse hard X-rays are observed from the re-
gion near Sgr A⋆; these potentially could have a synchrotron
contribution from pair e±. Similar considerations may apply
to other central stellar clusters around VHE-emitting AGNs.
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13 Such MeV emission would be unaffected by hydrogen absorption as
well, which would be ideal for an extremely dense starburst like Arp 220, although it is beyond the energy range of NuSTAR.
APPENDIX
OTHER PIONIC CROSS SECTION AND LIFETIME PARAMETRIZATIONS
The spectrum of pionic secondary γ-rays and e± at TeV energies depends sensitively on the behavior of the pion production
process at these energies (Karlsson 2008). The physics of pion production enters two ways in our models: (1) the lifetime of CR
protons to pionic processes, which determines the steady-state CR spectrum and (2) the differential cross sections for production
of pionic secondaries for protons of each energy.
We run models where we vary the pionic lifetimes or the differential cross sections to consider the effects. We use the fiducial
parameters listed in Table 1 for the Galactic Center, NGC 253, M82, and the two nuclei of Arp 220. We find the thermal fraction
and ξ through radio spectrum chi-square fitting (or radio flux normalization for Arp 220) described in § 3.3 for each variation on
the pionic physics. We also compare the purely hadronic flux using the different assumptions of the pionic physics.
Pionic lifetime variations – In most of our models, we calculate the pionic loss lifetime by integrating up the Kamae et al.
(2006) cross-sections for γ-ray, neutrino, and e± production (equation 33). A commonly used pionic loss lifetime comes from
Mannheim & Schlickeiser (1994) (MS94) and is given in equation 11. Finally, Schlickeiser (2002) recommends a different pionic
loss lifetime, which is longer at low energies but substantially shorter at VHE energies:
tπ = 2.2× 108yr γ−0.28(n/cm−3)−1 (A1)
The new γ dependence comes from the multiplicity of pions produced per collision. Formally, this equation is only valid for
γ . 3000, or below a few TeV.
24
The Schlickeiser (2002) pionic lifetime predicts substantially less hadronic synchrotron X-ray emission, unless escape domi-
nates the multi-TeV proton lifetimes. In our Arp 220 models, where pionic losses dominate even at these energies, the hadronic
2 - 10 keV synchrotron flux is only 1/4 of the predictions using the cross-section derived tπ. This is because the γ−0.28 in tπ
becomes very small for 10 - 100 TeV CR protons, reducing the steady-state number of CR protons that are the source of sec-
ondary and pair e±. The secondary source functions do not correspondingly increase, so the pionic luminosity is underpredicted.
The M82 model also gives only 64% of the hadronic synchrotron flux predicted with the cross-section integrated tπ. The TeV
γ-ray flux is also reduced in these models by similar amounts. However, the synchrotron flux in the fiducial models of NGC
253 and the Galactic Center are affected by less than 10%, because diffusion sets the total number of protons in these models.
Furthermore, the total synchrotron X-ray flux is barely affected in the Galactic Center, NGC 253, and M82, and only reduced to
40% of nominal in the Arp 220 nuclei models, because primary CR e± contribute heavily to the synchrotron emission.
If we use the MS94 tπ, the hadronic synchrotron X-ray emission is instead slightly enhanced. In Arp 220 models, the syn-
chrotron X-ray emission is 113% that using our standard pionic lifetime. The total synchrotron X-ray emission is significantly
greater in MS94 models, because higher ξ are picked by our fitting processes: the synchrotron is 1.3 times greater in Arp 220
models using MS94 and 1.2 times greater in M82 models. There are negligible differences in the TeV γ-ray fluxes between the
MS94 models and eqn. 33 models, but the GeV fluxes are only 80% as big in the M82 models and 70% as big in the Arp 220
models.
The Schlickeiser (2002) pionic lifetime is only meant to be valid below 2.8 TeV, which is below the energy of the CR protons
responsible for hard X-ray emitting e±. Furthermore, it is derived by integrating the energy of the pionic secondaries, much like
we do to derive eqn. 33. Since we used the Kamae et al. (2006) cross sections in eqn. 33, which are explicitly valid up to several
hundred TeV, we believe that eqn. 33 is more likely to be accurate in deriving the X-ray synchrotron emission. Thus, the pionic
lifetime would only contribute less than a factor of ∼ 2 uncertainty, much less than the uncertainties from γprimmax , p, and tdiff.
Differential cross section variations – There are several possible parametrizations of the pionic cross sections. In addition to
the Kamae et al. (2006) cross sections, the GALPROP cross sections (Moskalenko & Strong 1998; Strong & Moskalenko 1998;
Strong et al. 2000) based on the work of Dermer (1986a) are commonly used (in turn based on Stecker 1970, Badhwar et al.
1977, and Stephens & Badhwar 1981; see also Dermer 1986b).
Both the Kamae et al. (2006) and GALPROP cross sections are based on lower energy data, and Kamae et al. (2006) is only
formally valid for CR protons up to 512 TeV. The pionic cross sections given in Kelner et al. (2006) are valid for CR protons at
energies at 100 GeV to 100 PeV. We consider a variation where the Kamae et al. (2006) cross sections are used for CR protons at
energies below 100 GeV, and the Kelner et al. (2006) cross sections are used above 100 GeV.
Using the GALPROP cross sections reduces both the hadronic and total synchrotron X-ray luminosities. For the Galactic
Center, the hadronic (total) GALPROP synchrotron X-ray luminosities are 67% (100%) the Kamae et al. (2006) luminosities; for
NGC 253, they are 73% (83%) the Kamae et al. (2006) luminosities; for M82, the GALPROP synchrotron X-ray luminosities
are 79% (75%) the Kamae et al. (2006) luminosities; and for Arp 220’s nuclei, they are 105% (90%) the Kamae et al. (2006)
luminosities. Smaller ξ are preferred using the GALPROP cross sections, reducing the leptonic contribution to the synchrotron
X-ray emission. In the Arp 220 models, using the GALPROP cross sections leads to small increases of the hadronic γ-ray
luminosities, about ∼ 15% at GeV and ∼ 20% at TeV energies.
If we instead use the Kelner et al. (2006) cross sections for Ep > 100 GeV, we find even less of an effect. For the Galactic Cen-
ter, the hadronic (total) Kelner et al. (2006) synchrotron X-ray luminosities are 84% (100%) the Kamae et al. (2006) luminosities;
for NGC 253, they are 87% (98%) the Kamae et al. (2006) luminosities; for M82, they are 92% (97%) the Kamae et al. (2006)
luminosities; and for Arp 220’s nuclei, they are 114% (110%) the Kamae et al. (2006) luminosities. The TeV γ-ray luminosity is
27% brighter in the Arp 220 models using these cross sections instead of our standard cross sections.
Thus, using other parametrizations of the pionic cross sections does not seem to add even a factor of ∼ 2 uncertainty.
OTHER MAXIMUM ENERGY PROTON CUTOFFS
Throughout this work, we have assumed that primary CR protons are accelerated to a maximum Lorentz factor γ pmax = 106,
or a maximum energy of ∼ 938 TeV. This is loosely based on the observed knee in the CR spectrum in the Galaxy, although
given the scarcity of current observational data, the actual high-energy proton cutoff could be at a different energy in starburst
regions. Since the average energy of pionic electrons is about 1/20 of the proton energy (e.g., Kelner et al. 2006), this translates
to a pionic e± cutoff near 50 TeV. Thus, models with low γprimmax or high B can be affected by the proton energy cutoff. To consider
this effect, we rerun our fiducial models with γ pmax of 105, 106, and 107. We consider both the total and the hadronic fluxes, as in
Appendix A. As in our fiducial models, we use the Kamae et al. (2006) cross sections for proton energies below 500 TeV and the
Kelner et al. (2006) cross sections for proton energies above 500 TeV.
In models where γ pmax = 105, the hadronic synchrotron X-ray flux drops by almost an order of magnitude in most of the starbursts
we consider. The hadronic synchrotron X-ray flux is only 9.4%, 8.5%, and 11% of its fiducial value in the Galactic Center, NGC
253, and M82 respectively. In Arp 220’s nuclei, the effect is not so severe since B is∼ 40 times higher than in the other starbursts,
and synchrotron X-rays probe e± energies that are ∼ 6 times lower (eqn. 1). However, the low energy proton cutoff still reduces
the hadronic synchrotron X-ray flux to 43% of its fiducial value. The 2 - 10 keV hadronic synchrotron X-ray flux is also much
softer in these models, because of the cutoff in the secondary e± spectrum: the hadronic Γsynch2−10 is 3.45, 3.29, 3.06, and 2.46 in
the Galactic Center, NGC 253, M82, and Arp 220’s nuclei. The total synchrotron X-ray flux is affected less than the hadronic
flux, but note that we use γprimmax = 109 in our fiducial models so that primaries dominate in most of the starbursts. Thus the total
synchrotron X-ray flux is 99.7%, 90%, 64%, 58%, and 49% of the fiducial values in the Galactic Center, NGC 253, M82, Arp
220 West, and Arp 220 East, respectively.
In models where γ pmax = 107, the hadronic synchrotron X-ray flux in the 2 - 10 keV band is enhanced by ∼ 40%. The hadronic
25
synchrotron X-ray flux is 141%, 141%, 136%, and 112% of its fiducial value in the Galactic Center, NGC 253, M82, and Arp
220’s nuclei respectively. The hadronic synchrotron X-ray spectrum is also hardened slightly: the hadronic Γsynch2−10 is 2.32, 2.25,
2.21, and 2.11 in the Galactic Center, NGC 253, M82, and Arp 220’s nuclei. The total synchrotron X-ray flux is affected very
little, with total synchrotron fluxes 100.2%, 103%, 114%, 110%, and 112% of fiducial in the Galactic Center, NGC 253, M82,
Arp 220 West, and Arp 220 East, respectively.
We conclude that if the secondary and pair e± dominate at 10 - 100 TeV energies, the maximum proton energy can significantly
affect the synchrotron X-ray flux and spectral slope, particularly if the cutoff is much lower than a PeV.
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TABLE 2
GALACTIC CENTER X-RAY LUMINOSITIES
B p tdiff(3 GeV) η γprimmax = 106 γprimmax = 109
ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd
µG (Myr) ergs s−1 ergs s−1
Σg = 0.003 g cm−2
50 2.4 ∞ 0.0088 · · · 0.038 1.3e35 0.018 3.3 2.22 0.65 0.67
0.071 · · · 0.038 1.3e35 0.018 3.4 2.22 0.84 1.1
0.10 0.037 1.1e33 1.5E-4 0.029 2.49 0.90 0.63 0.038 1.3e35 0.018 3.4 2.22 0.93 1.2
10 0.0088 · · · 0.038 1.3e35 0.018 3.3 2.21 0.64 0.64
0.10 · · · 0.038 1.3e35 0.018 3.3 2.21 0.92 0.99
1 0.0088 · · · 0.040 1.3e35 0.018 3.4 2.21 0.62 0.64
0.14 · · · 0.040 1.3e35 0.018 3.4 2.21 0.98 0.76
100 2.0 ∞ 0.0088 0.0049 4.6e33 6.3E-4 0.64 2.35 0.40 0.70 · · ·
0.0125 0.0049 6.5e33 8.9E-4 0.91 2.35 0.41 0.99 · · ·
0.0250 0.0049 1.3e34 0.0018 1.8 2.35 0.43 2.0 · · ·
10 0.0125 0.0049 1.9e33 2.6E-4 0.27 2.41 0.41 0.54 · · ·
0.0250 0.0049 3.9e33 5.2E-4 0.54 2.41 0.43 1.1 · · ·
0.0354 0.0049 5.5e33 7.4E-4 0.76 2.41 0.45 1.5 · · ·
1 0.0707 0.0050 1.5e33 2.1E-4 0.21 2.44 0.48 0.69 · · ·
0.1000 0.0050 2.2e33 2.9E-4 0.30 2.44 0.53 0.98 · · ·
0.2000 0.0049 4.3e33 5.9E-4 0.61 2.44 0.67 2.0 · · ·
2.2 ∞ 0.0088 · · · 0.0066 4.3e35 0.058 48 2.12 0.24 0.60
0.025 0.0062 2.9e33 4.0E-4 0.32 2.39 0.28 0.70 0.0066 4.3e35 0.059 48 2.12 0.29 1.1
0.035 0.0061 4.1e33 5.6E-4 0.46 2.39 0.31 0.98 0.0066e 4.3e35 0.059 48 2.12 0.33 1.3
0.050 0.0061e 5.8e33 7.9E-4 0.65 2.39 0.35 1.4 0.0065 4.3e35 0.059 48 2.12 0.37 1.7
0.071 0.0061 8.2e33 0.0011 0.92 2.39 0.42 2.0 · · ·
10 0.013 · · · 0.0066 4.3e35 0.058 48 2.12 0.25 0.56
0.035 0.0062 1.3e33 1.7E-4 0.14 2.45 0.31 0.57 0.0065 4.3e35 0.058 48 2.12 0.32 0.93
0.071 0.0061 2.5e33 3.4E-4 0.28 2.45 0.41 1.1 · · ·
0.10 0.0060 3.5e33 4.8E-4 0.40 2.45 0.50 1.6 0.0065 4.2e35 0.058 47 2.12 0.51 2.0
1 0.035 · · · 0.0068 4.4e35 0.060 49 2.12 0.30 0.51
0.14 0.0062 7.1e32 1.0E-4 0.079 2.49 0.56 0.56 0.0066f 4.3e35 0.059 48 2.12 0.57 0.91
0.28 0.0059 1.4e33 1.9E-4 0.16 2.49 0.92 1.1 0.0064 4.1e35 0.056 46 2.12 0.93 1.5
2.4 ∞ 0.10 0.011 1.6e33 2.1E-4 0.13 2.43 0.44 0.62 0.012 4.8e34 0.0066 4.1 2.22 0.45 0.68
0.14 0.011 2.2e33 3.0E-4 0.19 2.43 0.57 0.88 0.011 4.8e34 0.0066 4.1 2.22 0.58 0.93
0.20 0.011 3.1e33 4.3E-4 0.27 2.43 0.76 1.2 0.011 4.8e34 0.0065 4.1 2.22 0.76 1.3
10 0.14 0.011 7.0e32 1.0E-4 0.059 2.50 0.57 0.55 0.011 4.7e34 0.0064 4.0 2.21 0.57 0.60
0.20 0.011 9.9e32 1.4E-4 0.085 2.50 0.75 0.77 0.011 4.6e34 0.0063 3.7 2.21 0.75 0.82
Σg = 0.01 g cm−2
100 2.0 10 0.0088 0.0052 4.5e33 6.1E-4 0.66 2.41 0.64 1.2 · · ·
0.013 0.0052 6.4e33 8.7E-4 0.94 2.41 0.66 1.8 · · ·
1 0.018 0.0053 1.3e33 1.7E-4 0.19 2.44 0.66 0.57 · · ·
0.035 0.0053 2.5e33 3.5E-4 0.37 2.44 0.75 1.1 · · ·
0.050 0.0052 3.6e33 4.9E-4 0.53 2.44 0.82 1.6 · · ·
2.2 ∞ 0.0088 0.0065 3.3e33 4.5E-4 0.40 2.39 0.46 0.80 0.0069 4.5e35 0.062 55 2.13 0.48 1.2
0.013 0.0065 4.7e33 6.4E-4 0.57 2.39 0.50 1.1 0.0069e 4.5e35 0.062 55 2.13 0.51 1.5
0.018 0.0064 6.7e33 9.1E-4 0.81 2.39 0.55 1.6 0.0069 4.5e35 0.062 55 2.13 0.56 2.0
10 0.0088 · · · 0.0070 4.5e35 0.062 54 2.13 0.48 0.85
0.013 0.0065 1.5e33 2.0E-4 0.18 2.45 0.49 0.66 0.0070 4.5e35 0.062 54 2.13 0.51 1.0
0.018 0.0065 2.1e33 2.8E-4 0.25 2.45 0.54 0.94 0.0069e 4.5e35 0.061 54 2.13 0.56 1.3
0.025 0.0064e 2.9e33 4.0E-4 0.35 2.45 0.61 1.3 0.0069 4.5e35 0.061 54 2.13 0.63 1.7
0.035 0.0063 4.1e33 5.6E-4 0.50 2.45 0.71 1.9 · · ·
1 0.0088 · · · 0.0072 4.7e35 0.063 55 2.12 0.46 0.51
0.050 0.0066 8.4e32 1.1E-4 0.10 2.49 0.79 0.66 0.0069 4.5e35 0.061 54 2.12 0.80 1.0
0.071 0.0064 1.2e33 1.6E-4 0.14 2.49 0.96 0.93 0.0069 4.5e35 0.061 53 2.12 0.97 1.3
2.4 ∞ 0.025 0.012 1.3e33 1.7E-4 0.12 2.43 0.54 0.51 0.012 5.2e34 0.0070 4.8 2.23 0.55 0.56
0.050 0.012 2.5e33 3.5E-4 0.24 2.43 0.80 1.0 0.012 5.1e34 0.0070 4.8 2.23 0.80 1.1
10 0.035 · · · 0.012 5.1e34 0.0069 4.7 2.22 0.65 0.50
0.050 0.012 8.2e32 1.1E-4 0.077 2.50 0.79 0.63 0.012 5.0e34 0.0068 4.7 2.22 0.80 0.69
0.071 0.012 1.2e33 1.6E-4 0.11 2.50 1.0 0.90 · · ·
Σg = 0.03 g cm−2
2.4 ∞ 0.0088 0.014 1.3e33 1.7E-4 0.13 2.43 0.99 0.51 0.014 6.0e34 0.0082 6.4 2.27 1.0 0.58
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TABLE 2 — Continued
B p tdiff(3 GeV) η γprimmax = 106 γprimmax = 109
ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd
µG (Myr) ergs s−1 ergs s−1
a Fraction of the observed diffuse 2 - 10 keV X-ray luminosity (scaled from Koyama et al. (1996) as described in § 4.1) from that synchrotron emission accounts for.
b Ratio of the 2 - 10 keV synchrotron and IC luminosities.
c Ratio of the predicted GeV γ-ray emission with the upper limit from EGRET in Hunter et al. (1997).
d Ratio of the predicted TeV γ-ray emission with the observed TeV flux observed from HESS in Aharonian et al. (2006) and Crocker et al. (2011b).
e This model satisfies our constraints (§ 3.3). While η is not the minimum or maximum allowed or the closest to reproducing the TeV luminosity for one of the γprimmax , this is true for
the other γprimmax so we list it anyway.
f Chosen as our fiducial model.
TABLE 3
NGC 253 X-RAY LUMINOSITIES
B p tdiff(3 GeV) η γprimmax = 106 γprimmax = 109
ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd
µG (Myr) ergs s−1 ergs s−1
50 2.0 ∞ 0.025 0.092 2.1e37 0.024 0.37 2.30 1.2 0.64 · · ·
0.071 0.090 5.9e37 0.069 1.0 2.30 1.3 1.8 · · ·
10 0.050 0.091 9.5e36 0.011 0.17 2.35 1.2 0.68 · · ·
0.14 0.087 2.7e37 0.032 0.48 2.35 1.3 1.9 · · ·
1 0.20 0.092 4.8e36 0.0057 0.084 2.37 1.3 0.66 · · ·
0.57 0.081 1.4e37 0.016 0.24 2.37 1.6 1.8 · · ·
2.2 ∞ 0.050 0.15 9.0e36 0.011 0.10 2.33 1.0 0.53 · · ·
0.14 0.13 2.6e37 0.030 0.32 2.33 1.1 1.5 · · ·
10 0.0088 · · · 0.18 3.6e38 0.43 3.9 2.08 1.0 2.0
0.013 · · · 0.18 3.6e38 0.43 3.9 2.08 1.0 2.0
0.10 0.14 4.2e36 0.0050 0.051 2.38 1.1 0.63 · · ·
0.28 0.12 1.2e37 0.014 0.15 2.38 1.4 1.8 · · ·
1 0.10 · · · 0.17 3.5e38 0.41 3.8 2.03 1.1 2.0
0.28 · · · 0.14 2.9e38 0.34 3.5 2.03 1.3 2.0
0.40 0.12 2.2e36 0.0026 0.027 2.40 1.4 0.67 · · ·
0.57 0.11 3.1e36 0.0036 0.038 2.40 1.7 0.94 · · ·
2.4 ∞ 0.0088 · · · 0.43 5.1e37 0.060 0.33 2.27 0.95 0.51
0.050 · · · 0.41 5.0e37 0.059 0.34 2.27 1.0 0.61
0.20 0.34 4.8e36 0.0056 0.037 2.36 1.2 0.59 0.34e 4.5e37 0.053 0.35 2.27 1.2 0.96
0.57 0.23 1.3e37 0.016 0.13 2.36 1.9 1.7 0.23 4.1e37 0.048 0.38 2.27 1.9 1.9
10 0.0088 · · · 0.44 5.1e37 0.061 0.33 2.20 0.95 0.50
0.050 · · · 0.42 4.9e37 0.058 0.33 2.20 1.0 0.56
0.28 0.31 1.6e36 0.0019 0.013 2.42 1.3 0.54 0.31e 3.8e37 0.045 0.31 2.20 1.3 0.88
0.57 0.24 3.2e36 0.0038 0.030 2.42 1.9 1.1 0.24 3.1e37 0.037 0.29 2.20 1.9 1.3
1 0.0088 · · · 0.45 5.3e37 0.062 0.33 2.12 0.95 0.50
0.050 · · · 0.44 5.1e37 0.061 0.33 2.12 1.0 0.51
0.57 · · · 0.27 3.2e37 0.038 0.28 2.12 1.6 0.61
100 2.0 10 0.14 0.028 4.3e37 0.050 2.2 2.33 0.53 1.8 · · ·
1 0.14 · · · 0.048 1.0e39 1.2 49 2.00 0.51 2.0
0.20 0.029 7.8e36 0.0092 0.38 2.35 0.53 0.62 · · ·
0.57 0.017 2.2e37 0.026 1.1 2.35 0.81 1.7 · · ·
2.2 ∞ 0.14 0.035 4.0e37 0.047 1.6 2.31 0.54 1.4 0.038 1.4e38 0.16 5.4 2.19 0.54 1.6
0.20 0.030 5.7e37 0.067 2.3 2.31 0.66 2.0 · · ·
10 0.14 0.036 9.8e36 0.012 0.38 2.37 0.52 0.85 0.039 1.1e38 0.13 4.3 2.14 0.53 1.1
0.28 0.024 2.0e37 0.023 0.81 2.37 0.79 1.7 0.025 8.5e37 0.10 3.5 2.14 0.80 1.9
1 0.20 · · · 0.040 1.1e38 0.12 3.9 2.08 0.56 0.59
0.40 0.025 3.6e36 0.0043 0.14 2.39 0.85 0.65 0.027e,f 7.2e37 0.085 2.8 2.08 0.85 0.82
0.57 0.014 5.2e36 0.0061 0.21 2.39 1.1 0.92 0.015 4.3e37 0.051 1.7 2.08 1.1 1.0
2.4 ∞ 0.20 0.068 7.6e36 0.0090 0.23 2.34 0.62 0.56 0.068 1.9e37 0.022 0.56 2.29 0.62 0.61
0.40 0.035 1.5e37 0.018 0.51 2.34 1.0 1.1 0.035 2.1e37 0.025 0.70 2.29 1.0 1.2
0.57 0.0064 2.2e37 0.025 0.80 2.34 1.4 1.6 0.0064 2.3e37 0.027 0.84 2.29 1.4 1.6
10 0.28 0.057 2.7e36 0.0032 0.085 2.41 0.78 0.53 0.058 1.2e37 0.014 0.37 2.26 0.78 0.57
0.40 0.039 3.9e36 0.0046 0.13 2.41 1.0 0.75 0.039 1.0e37 0.012 0.33 2.26 1.0 0.78
0.57 0.012 5.5e36 0.0065 0.20 2.41 1.4 1.1 0.012 7.4e36 0.0087 0.26 2.26 1.4 1.1
150 2.0 1 0.40 · · · 0.011 2.6e38 0.31 23 2.01 0.50 1.4
0.57 0.0016 2.7e37 0.032 2.5 2.33 0.63 1.7 0.0024 8.1e37 0.095 7.4 2.01 0.63 1.7
2.2 ∞ 0.20 0.0078 6.8e37 0.080 5.5 2.28 0.52 1.9 0.0085 9.2e37 0.11 7.4 2.20 0.52 1.9
10 0.20 0.0090 1.7e37 0.020 1.3 2.35 0.50 1.2 0.0094 4.4e37 0.051 3.5 2.15 0.50 1.2
0.28 0.0014 2.4e37 0.029 2.1 2.35 0.66 1.7 0.0016 2.9e37 0.034 2.4 2.15 0.66 1.7
1 0.40 9.7E-4 4.6e36 0.0054 0.35 2.38 0.72 0.64 0.0012 8.0e36 0.0094 0.61 2.10 0.72 0.64
2.4 ∞ 0.20 0.021 9.3e36 0.011 0.59 2.32 0.52 0.55 0.020 1.3e37 0.015 0.83 2.28 0.52 0.56
0.28 0.0061 1.3e37 0.016 0.92 2.32 0.69 0.78 0.0061 1.4e37 0.017 1.0 2.28 0.69 0.78
10 0.28 0.0083 3.5e36 0.0041 0.23 2.40 0.67 0.52 0.0084 5.0e36 0.0059 0.34 2.27 0.67 0.53
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TABLE 3 — Continued
B p tdiff(3 GeV) η γprimmax = 106 γprimmax = 109
ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd
µG (Myr) ergs s−1 ergs s−1
a Fraction of the observed diffuse 2 - 10 keV X-ray luminosity (from Bauer et al. 2008) from that synchrotron emission accounts for.
b Ratio of the 2 - 10 keV synchrotron and IC luminosities.
c Ratio of the predicted 0.3 - 10 GeV γ-ray emission with the flux detected by Fermi-LAT in Abdo et al. (2010b).
d Ratio of the predicted ≥220 GeV γ-ray emission with the observed TeV flux observed from HESS in Acero et al. (2009).
e This model satisfies our constraints (§ 3.3). While η is not the minimum or maximum allowed or the closest to reproducing the GeV luminosity for γprimmax = 109, this is true for
γprimmax = 10
6 so we list it anyway.
f Chosen as our fiducial model.
TABLE 4
M82 X-RAY LUMINOSITIES
B p tdiff(3 GeV) η γprimmax = 106 γprimmax = 109
ξ Lsynch2−8 f synch2−8 a SynchIC b Γ
synch
2−8 fGeVc fVHEd ξ Lsynch2−8 f synch2−8 a SynchIC b Γ
synch
2−8 fGeVc fVHEd
µG (Myr) ergs s−1 ergs s−1
50 2.0 ∞ 0.013 0.067 5.4e37 0.012 0.29 2.25 1.8 0.63 · · ·
0.035 0.066 1.5e38 0.035 0.83 2.25 1.9 1.8 · · ·
0.035 0.066 2.5e37 0.0056 0.14 2.31 1.8 0.61 · · ·
0.071 0.065 5.0e37 0.011 0.27 2.31 2.0 1.2 · · ·
2.2 ∞ 0.0088 · · · 0.12 7.1e38 0.16 2.5 2.17 1.4 1.8
0.025 · · · 0.11 6.9e38 0.16 2.5 2.17 1.5 2.0
0.035 0.10 3.3e37 0.0075 0.13 2.28 1.4 0.61 · · ·
0.10 0.094 9.4e37 0.021 0.36 2.28 1.8 1.7 · · ·
10 0.0088 · · · 0.12 7.1e38 0.16 2.5 2.07 1.4 1.7
0.071 · · · 0.11 6.3e38 0.14 2.4 2.07 1.7 1.9
0.10 0.096 1.6e37 0.0036 0.061 2.34 1.8 0.68 · · ·
0.14 0.091 2.2e37 0.0051 0.087 2.34 2.0 0.96 · · ·
1 0.0088 · · · 0.13 7.5e38 0.17 2.6 2.01 1.5 1.7
0.14 · · · 0.11 6.3e38 0.14 2.3 2.01 1.8 1.6
2.4 ∞ 0.050 · · · 0.28 1.0e38 0.023 0.22 2.26 1.5 0.52
0.14 0.22 1.7e37 0.0040 0.047 2.31 1.9 0.56 0.21 9.0e37 0.020 0.24 2.26 1.9 0.81
10 0.14 · · · 0.22 7.9e37 0.018 0.20 2.19 1.9 0.50
100 2.0 ∞ 0.0088 · · · 0.037 2.3e39 0.52 35 2.12 0.62 1.9
0.013 0.023 8.3e37 0.019 1.3 2.24 0.59 0.55 · · ·
0.035 0.022 2.4e38 0.054 3.7 2.24 0.67 1.6 · · ·
10 0.0088 · · · 0.037 2.2e39 0.51 35 2.03 0.61 1.7
0.035 0.022 4.0e37 0.0092 0.63 2.30 0.65 0.57 0.034 2.1e39 0.48 33 2.03 0.69 2.0
0.10 0.018 1.1e38 0.026 1.8 2.30 0.84 1.6 · · ·
1 0.0088 · · · 0.039 2.4e39 0.54 36 1.98 0.61 1.6
0.20 0.018 2.7e37 0.0062 0.41 2.32 0.93 0.54 0.028 1.7e39 0.39 26 1.98 0.96 1.7
0.57 0.0047 7.8e37 0.018 1.2 2.32 1.6 1.5 0.0071 5.1e38 0.12 7.6 1.98 1.6 1.8
2.2 ∞ 0.025 · · · 0.034 2.9e38 0.067 3.5 2.20 0.52 0.65
0.035 0.031 5.3e37 0.012 0.63 2.27 0.57 0.56 0.033e 3.0e38 0.068 3.6 2.20 0.58 0.80
0.10 0.022 1.5e38 0.034 1.9 2.27 0.94 1.6 0.024 3.3e38 0.074 4.1 2.20 0.94 1.8
10 0.050 · · · 0.032 2.5e38 0.057 3.0 2.13 0.64 0.55
0.10 0.023 2.6e37 0.0060 0.32 2.34 0.89 0.65 0.025 2.1e38 0.049 2.6 2.13 0.90 0.83
0.28 7.5E-4 7.5e37 0.017 1.1 2.34 1.8 1.8 9.4E-4 8.2e37 0.019 1.2 2.13 1.8 1.8
1 0.40 · · · 0.0064 6.1e37 0.014 0.73 2.07 1.8 0.50
2.4 ∞ 0.14 0.042 2.9e37 0.0065 0.28 2.31 1.1 0.52 0.042 4.8e37 0.011 0.47 2.28 1.1 0.55
0.28 0.0081 5.7e37 0.013 0.64 2.31 2.0 1.0 0.0081 6.1e37 0.014 0.68 2.28 2.0 1.1
150 2.0 10 0.10 0.0075 1.4e38 0.032 4.1 2.28 0.56 1.5 0.012 9.0e38 0.20 26 2.05 0.57 1.8
1 0.14 · · · 0.014 9.2e38 0.21 25 2.00 0.55 0.70
0.20 0.0067 3.4e37 0.0077 0.93 2.30 0.65 0.52 0.010e 7.0e38 0.16 19 2.00 0.65 0.77
0.28 0.0036 4.8e37 0.011 1.3 2.30 0.81 0.74 0.0056 4.1e38 0.093 11 2.00 0.81 0.87
2.2 ∞ 0.071 0.0099 1.3e38 0.029 3.0 2.25 0.58 1.1 0.011 2.1e38 0.049 5.1 2.20 0.58 1.1
0.10 0.0061 1.8e38 0.041 4.5 2.25 0.74 1.5 0.0064 2.3e38 0.053 5.9 2.20 0.74 1.5
10 0.10 0.0071 3.3e37 0.0075 0.80 2.33 0.70 0.63 0.0077f 9.7e37 0.022 2.3 2.15 0.70 0.66
0.14 0.0020 4.6e37 0.011 1.2 2.33 0.91 0.89 0.0023 6.5e37 0.015 1.7 2.15 0.91 0.90
2.4 ∞ 0.14 0.0060 3.5e37 0.0079 0.74 2.29 0.97 0.51 0.0061 3.8e37 0.0087 0.81 2.27 0.97 0.51
200 2.0 1 0.20 0.0021 3.8e37 0.0087 1.6 2.28 0.54 0.52 0.0032 2.5e38 0.057 10 2.01 0.54 0.56
2.2 10 0.10 7.2E-4 3.7e37 0.0085 1.5 2.31 0.62 0.62 7.0E-4 4.4e37 0.0099 1.7 2.16 0.62 0.62
a Fraction of the observed diffuse 2 - 8 keV X-ray luminosity (from Strickland & Heckman 2007) from that synchrotron emission accounts for.
b Ratio of the 2 - 8 keV synchrotron and IC luminosities.
c Ratio of the predicted 0.3 - 10 GeV γ-ray emission with the flux detected by Fermi-LAT in Abdo et al. (2010b).
d Ratio of the predicted ≥700 GeV γ-ray emission with the observed TeV flux observed from HESS in Acciari et al. (2009).
e This model satisfies our constraints (§ 3.3). While η is not the minimum or maximum allowed or the closest to reproducing the GeV luminosity for γprimmax = 109, this is true for
γprimmax = 10
6 so we list it anyway.
f Chosen as our fiducial model.
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TABLE 5
ARP 220 X-RAY LUMINOSITIES
B p tdiff(3 GeV) γprimmax = 106 γprimmax = 109
ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd
µG (Myr) ergs s−1 ergs s−1
West nucleus
500 2.0 ∞ 0.81 2.6e39 0.065 0.0416 1.90 0.60 0.016 1.3 1.2e41 2.9 1.9 1.85 0.67 0.23
10 0.81 2.4e39 0.061 0.0388 1.90 0.60 0.016 1.3 1.2e41 2.9 1.9 1.85 0.67 0.23
1 0.81 1.5e39 0.039 0.0246 1.93 0.60 0.012 1.3 1.2e41 2.9 1.9 1.84 0.66 0.23
2.2 ∞ 1.3 6.0e38 0.015 0.0072 1.94 0.49 0.0060 1.3 1.7e40 0.41 0.20 1.91 0.50 0.044
10 1.3 5.6e38 0.014 0.0068 1.94 0.49 0.0058 1.3 1.7e40 0.41 0.20 1.91 0.50 0.044
1 1.3 3.6e38 0.0091 0.0044 1.97 0.49 0.0047 1.3 1.6e40 0.41 0.20 1.92 0.50 0.043
2.4 ∞ 2.8 8.5e37 0.0021 8E-4 1.98 0.46 0.0015 2.8 2.3e39 0.058 0.021 1.97 0.46 0.0085
10 2.8 8.0e37 0.0020 7E-4 1.99 0.46 0.0014 2.8 2.3e39 0.058 0.021 1.98 0.46 0.0085
1 2.8 5.3e37 0.0013 5E-4 2.02 0.46 0.0012 2.8 2.3e39 0.058 0.021 2.00 0.46 0.0082
1000 2.0 ∞ 0.25 6.5e39 0.16 0.33 1.97 0.19 0.015 0.38 7.3e40 1.8 3.7 1.93 0.21 0.061
10 0.25 6.1e39 0.15 0.31 1.97 0.19 0.014 0.38 7.3e40 1.8 3.7 1.93 0.21 0.060
1 0.25 3.9e39 0.098 0.20 2.00 0.19 0.011 0.38 7.1e40 1.8 3.6 1.93 0.21 0.057
2.2 ∞ 0.35 1.6e39 0.039 0.063 2.01 0.16 0.0056 0.38 1.1e40 0.28 0.45 1.99 0.16 0.014
10 0.35 1.5e39 0.037 0.060 2.01 0.16 0.0054 0.38 1.1e40 0.27 0.45 1.99 0.16 0.014
1 0.36 9.7e38 0.024 0.040 2.04 0.16 0.0045 0.38 1.1e40 0.26 0.43 2.01 0.16 0.013
2.4 ∞ 0.75 2.3e38 0.0058 0.0075 2.06 0.15 0.0014 0.76 1.6e39 0.041 0.053 2.05 0.15 0.0029
10 0.75 2.2e38 0.0054 0.0071 2.07 0.15 0.0014 0.76 1.6e39 0.041 0.052 2.06 0.15 0.0028
1 0.76 1.5e38 0.0037 0.0048 2.10 0.15 0.0012 0.76 1.6e39 0.039 0.050 2.08 0.15 0.0026
2000 2.0 ∞ 0.077 1.3e40 0.31 1.9 2.04 0.069 0.012 0.12 4.6e40 1.1 6.9 2.01 0.073 0.020
10 0.077 1.2e40 0.29 1.8 2.04 0.069 0.012 0.12 4.5e40 1.1 6.8 2.01 0.073 0.020
1 0.077 7.9e39 0.20 1.2 2.07 0.068 0.0096 0.12 4.1e40 1.0 6.2 2.02 0.048 0.0078
2.2 ∞ 0.097 3.2e39 0.079 0.41 2.09 0.064 0.0049 0.10 7.6e39 0.19 1.0 2.07 0.064 0.0062
10 0.097 3.0e39 0.075 0.39 2.09 0.064 0.0048 0.10 7.5e39 0.19 0.98 2.08 0.065 0.0061
1 0.097 2.0e39 0.051 0.26 2.12 0.063 0.0040 0.10 6.6e39 0.17 0.86 2.10 0.064 0.0053
2.4 ∞ 0.20 4.9e38 0.012 0.054 2.15 0.061 0.0013 0.20 1.2e39 0.030 0.13 2.14 0.061 0.0015
10 0.20 4.7e38 0.012 0.052 2.15 0.035 0.0013 0.20 1.2e39 0.029 0.13 2.15 0.061 0.0015
1 0.20 3.3e38 0.0082 0.036 2.19 0.061 0.0011 0.20 1.0e39 0.026 0.11 2.17 0.061 0.0013
4000 2.0 ∞ 0.023 1.8e40 0.46 7.8 2.07 0.030 0.010 0.036 3.1e40 0.79 13 2.05 0.030 0.011
10 0.023 1.7e40 0.44 7.3 2.07 0.030 0.0099 0.036 3.0e40 0.76 13 2.05 0.030 0.011
1 0.024 1.2e40 0.30 5.0 2.10 0.029 0.0082 0.036 2.5e40 0.63 11 2.07 0.030 0.0091
2.2 ∞ 0.020 4.9e39 0.12 1.9 2.13 0.036 0.0043 0.021 6.2e39 0.16 2.4 2.12 0.036 0.0044
10 0.020 4.6e39 0.12 1.8 2.13 0.036 0.0042 0.021f 6.0e39 0.15 2.3 2.12 0.036 0.0043
1 0.020 3.3e39 0.082 1.3 2.16 0.035 0.0036 0.022 4.6e39 0.12 1.8 2.15 0.035 0.0037
2.4 ∞ 0.039 8.0e38 0.020 0.28 2.19 0.037 0.0012 0.039 1.0e39 0.026 0.36 2.19 0.037 0.0012
10 0.039 8.0e38 0.020 0.28 2.19 0.037 0.0012 0.040 9.8e38 0.025 0.35 2.19 0.037 0.0012
1 0.040 5.5e38 0.014 0.20 2.23 0.037 0.0010 0.040 7.7e38 0.019 0.27 2.22 0.037 0.0010
8000 2.0 ∞ 0.0057 2.2e40 0.56 26 2.06 0.018 0.0092 0.0088 2.6e40 0.65 30 2.05 0.018 0.0093
10 0.0057 2.1e40 0.53 24 2.06 0.018 0.0090 0.0088 2.5e40 0.62 28 2.05 0.018 0.0091
1 0.0059 1.5e40 0.37 17 2.09 0.018 0.0075 0.0092 1.9e40 0.46 21 2.07 0.018 0.0076
16000 2.0 1 1.8E-4 1.6e40 0.41 57 2.06 0.015 0.0073 2.7E-4 1.7e40 0.41 57 2.04 0.015 0.0073
East nucleus
500 2.0 ∞ 0.61 2.6e39 0.17 0.055 1.90 0.46 0.016 0.95 8.9e40 5.9 1.9 1.85 0.51 0.18
10 0.61 2.4e39 0.16 0.051 1.90 0.46 0.016 0.95 8.9e40 5.9 1.9 1.85 0.51 0.18
1 0.61 1.5e39 0.10 0.032 1.93 0.46 0.012 0.95 8.8e40 5.9 1.9 1.84 0.51 0.17
2.2 ∞ 0.95 6.0e38 0.040 0.0095 1.94 0.38 0.0060 1.0 1.3e40 0.84 0.20 1.91 0.39 0.035
10 0.95 5.6e38 0.038 0.0089 1.94 0.38 0.0058 1.0 1.3e40 0.84 0.20 1.91 0.39 0.035
1 0.95 3.6e38 0.024 0.0057 1.97 0.37 0.0047 1.0 1.2e40 0.83 0.20 1.92 0.39 0.034
2.4 ∞ 2.1 8.5e37 0.0057 0.0010 1.98 0.36 0.0015 2.1 1.8e39 0.12 0.021 1.97 0.36 0.0068
10 2.1 8.0e37 0.0054 9E-4 1.99 0.36 0.0014 2.1 1.8e39 0.12 0.021 1.98 0.36 0.0067
1 2.1 5.3e37 0.0035 6E-4 2.02 0.36 0.0012 2.1 1.8e39 0.12 0.021 2.00 0.36 0.0065
1000 2.0 ∞ 0.18 6.5e39 0.43 0.43 1.97 0.15 0.015 0.29 5.6e40 3.7 3.8 1.93 0.16 0.049
10 0.18 6.1e39 0.40 0.41 1.97 0.15 0.014 0.29 5.6e40 3.7 3.8 1.93 0.16 0.049
1 0.18 3.9e39 0.26 0.26 2.00 0.15 0.011 0.29 5.4e40 3.6 3.6 1.93 0.16 0.046
2.2 ∞ 0.26 1.6e39 0.10 0.084 2.01 0.13 0.0056 0.28 8.6e39 0.57 0.46 1.99 0.13 0.012
10 0.26 1.5e39 0.098 0.079 2.01 0.13 0.0054 0.28 8.5e39 0.57 0.46 1.99 0.13 0.011
1 0.26 9.7e38 0.065 0.052 2.04 0.13 0.0045 0.28 8.0e39 0.53 0.43 2.01 0.13 0.010
2.4 ∞ 0.56 2.3e38 0.015 0.0099 2.06 0.12 0.0014 0.56 1.3e39 0.085 0.054 2.05 0.12 0.0025
10 0.56 2.2e38 0.015 0.0093 2.07 0.12 0.0014 0.56 1.3e39 0.084 0.054 2.06 0.12 0.0025
1 0.56 1.5e38 0.0099 0.0063 2.10 0.12 0.0012 0.56 1.2e39 0.079 0.051 2.08 0.12 0.0023
2000 2.0 ∞ 0.054 1.3e40 0.83 2.5 2.04 0.056 0.012 0.084 3.6e40 2.4 7.2 2.01 0.059 0.018
10 0.054 1.2e40 0.79 2.4 2.04 0.056 0.012 0.084 3.5e40 2.3 7.1 2.01 0.059 0.017
1 0.055 7.9e39 0.52 1.6 2.07 0.055 0.0096 0.085 3.1e40 2.1 6.3 2.02 0.058 0.015
2.2 ∞ 0.066 3.2e39 0.21 0.54 2.09 0.054 0.0049 0.070 6.3e39 0.42 1.1 2.07 0.055 0.0058
10 0.066 3.0e39 0.20 0.51 2.09 0.054 0.0048 0.070 6.1e39 0.41 1.0 2.08 0.055 0.0057
1 0.066 2.0e39 0.14 0.35 2.12 0.054 0.0040 0.071 5.2e39 0.34 0.89 2.10 0.054 0.0049
2.4 ∞ 0.14 4.9e38 0.033 0.072 2.15 0.053 0.0013 0.14 9.8e38 0.065 0.14 2.14 0.053 0.0015
10 0.14 4.7e38 0.031 0.069 2.15 0.053 0.0013 0.14 9.5e38 0.064 0.14 2.15 0.053 0.0014
1 0.14 3.3e38 0.022 0.048 2.19 0.053 0.0011 0.14 8.2e38 0.054 0.12 2.17 0.053 0.0013
4000 2.0 ∞ 0.014 1.8e40 1.2 10 2.07 0.026 0.010 0.021 2.6e40 1.7 15 2.05 0.026 0.011
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TABLE 5 — Continued
B p tdiff(3 GeV) γprimmax = 106 γprimmax = 109
ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd ξ Lsynch2−10 f synch2−10 a SynchIC b Γ
synch
2−10 fGeVc fVHEd
µG (Myr) ergs s−1 ergs s−1
10 0.014 1.7e40 1.2 9.7 2.07 0.026 0.0099 0.021 2.5e40 1.7 14 2.05 0.026 0.011
1 0.014 1.2e40 0.80 6.7 2.10 0.025 0.0082 0.022 2.0e40 1.3 11 2.07 0.026 0.0087
2.2 ∞ 0.0077 4.9e39 0.33 2.5 2.13 0.033 0.0043 0.0082 5.4e39 0.36 2.8 2.12 0.033 0.0044
10 0.0078 4.6e39 0.31 2.4 2.13 0.033 0.0042 0.0083f 5.2e39 0.34 2.7 2.12 0.033 0.0043
1 0.0082 3.3e39 0.22 1.7 2.16 0.033 0.0036 0.0087 3.8e39 0.25 2.0 2.15 0.033 0.0037
2.4 ∞ 0.017 8.0e38 0.054 0.38 2.19 0.035 0.0012 0.017 9.0e38 0.060 0.43 2.19 0.035 0.0012
10 0.017 7.7e38 0.051 0.37 2.20 0.035 0.0012 0.017 8.6e38 0.057 0.41 2.19 0.035 0.0012
1 0.017 5.5e38 0.037 0.26 2.23 0.034 0.0010 0.018 6.5e38 0.043 0.31 2.22 0.034 0.0010
8000 2.0 ∞ 0.00054 2.2e40 1.5 34 2.06 0.017 0.0092 8.4E-4 2.3e40 1.5 35 2.05 0.017 0.0092
10 0.00057 2.1e40 1.4 32 2.06 0.017 0.0090 8.9E-4 2.2e40 1.4 33 2.05 0.017 0.0090
1 0.00083 1.5e40 0.99 23 2.09 0.017 0.0075 0.0013 1.5e40 1.0 23 2.07 0.017 0.0076
a Fraction of the observed diffuse 2 - 10 keV X-ray luminosity (from Clements et al. 2002) from that synchrotron emission accounts for. We assume that Arp 220 X-1 is the west
nucleus, and Arp 220 X-4 is the east nucleus.
b Ratio of the 2 - 10 keV synchrotron and IC luminosities.
c Ratio of the predicted ≥100 MeV γ-ray emission with the Fermi-LAT one-year catalog source sensitivity at high Galactic latitude (Abdo et al. 2010b).
d Ratio of the predicted 0.36 - 1.8 TeV γ-ray emission with the upper limits on the flux obtained with MAGIC in Albert et al. (2007).
e Chosen as our fiducial model.
